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Abstract

Deuterium represents the only bound isotope in the universe with atomic
mass number A = 2. Motivated by the possibility of other universes, where
the strong force could be stronger, this paper considers the effects of bound
diprotons and dineutrons on stars. We find that the existence of additional
stable nuclei with A = 2 has relatively modest effects on the universe. Pre-
vious work indicates that Big Bang Nucleosynthesis (BBN) produces more
deuterium, but does not lead to catastrophic heavy element production. This
paper revisits BBN considerations and confirms that the universe is left with
an ample supply of hydrogen and other light nuclei for typical cosmological
parameters. Using the MESA numerical package, we carry out stellar evolu-
tion calculations for universes with stable diprotons, with nuclear cross sections
enhanced by large factors X. This work focuses on X = 1015 − 1018, but explores
the wider range X = 10−3 − 1018. For a given stellar mass, the presence of stable
diprotons leads to somewhat brighter stars, with the radii and photospheric tem-
peratures roughly comparable to thoese of red giants. The central temperature
decreases from the characteristic value of Tc ≈ 1.5 × 107 K for hydrogen burning
down to the value of Tc ≈ 106 K characteristic of deuterium burning. The stellar
lifetimes are smaller for a given mass, but with the extended possible mass range,
the smallest stars live for trillions of years, far longer than the current cosmic age.
Finally, the enhanced cross sections allow for small, partially degenerate objects
with mass M∗ = 1 − 10MJ to produce significant steady-state luminosity and
thereby function as stars.
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1. Introduction

The laws of physics, as realized in our universe, conspire to produce a
long-lived expanding space-time that contains a wide range of astrophysical
structures, from galaxy clusters down to small, rocky planets. An ongoing
debate in cosmology considers whether our local universe is one out of many
[1, 2, 3, 4, 5] and whether or not the laws of physics could be different in
other (causally disconnected) regions. A related question is the degree to
which the laws of physics are fine-tuned for the formation of astrophysical
structures and ultimately the development of observers (see [6] for a recent
review). A common example of possible fine-tuning concerns the bound
state of the diproton (denoted here as 2p). In our universe, deuterium is the
only bound A = 2 nucleus. If diprotons were bound and long-lived, then
nuclear reactions could take place through the strong and electromagnetic
interactions, without the weak force. The resulting cross sections could thus
be larger by enormous factors, X, typically estimated as X ∼ 1015 − 1018.

Many authors (starting with [7]) claim that with such large cross sections,
bound diprotons would have catastrophic consequences for the cosmos. One
concern is that during the epoch of Big Bang Nucleosynthesis (BBN), all of
the protons could be processed into helium, and perhaps heavier elements,
leaving behind no hydrogen to produce water at later epochs. Similarly, in
stellar interiors, the nuclear reaction rates could be so large that stars would
have short lifetimes. Most authors make assertions of this nature by quot-
ing earlier claims, but do not perform detailed calculations of either BBN
or stellar evolution [8, 9, 10, 11, 12, 13, 14, 15], although some treatments
are more nuanced [16, 17]. In contrast, recent work using a semi-analytic
model for stellar structure [18, 19] indicates that a wide range of parame-
ter space allows for stable, long-lived stars in universes with stable diprotons
[20, 6]. Additional work finds that stable diprotons will not compromise BBN
[21, 22], in that large mass fractions of hydrogen will remain. The first paper
[21] also argues that diprotons will prevent the normal operations of stars,
whereas the second [22] points out that diprotons produced during the BBN
epoch can subsequently decay through the weak interaction and thereby pro-
duce large amounts of deuterium (which is still expected to be more stable).
Similarly, bound dineutrons (denoted as 2n) have only a modest effect on
BBN yields [23], leading to a fractional change in the helium abundance of
∼ 10% (see also [24]). Notice also that BBN becomes ineffective in universes
where the baryon to photon ration η is smaller than that of our universe
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[25, 26, 27]. The finding that BBN is only modestly affected by bound dipro-
tons can be understood as follows. If the diproton is a bound state, then
protons can interact through the strong force, with a greatly enhanced cross
section. However, neutrons are present during BBN, so that n-p reactions
(which also do not require the weak interaction and have no coulomb barrier)
are already dominant.

Given the contradictory claims in the previous literature, the goal of
this paper is to revisit the previous BBN findings and to carry out detailed
numerical simulations of stellar evolution for universes with stable diprotons.
Here we use the publicly-available MESA code [28, 29]. This state-of-the-art
numerical package is modified to include the greatly enhanced nuclear reaction
cross sections arising due to stable diprotons and dineutrons.

In this paper, the key assumption is that diprotons are bound, but the cross
sections and binding energies of other nuclei are only modestly affected. In our uni-
verse, dineutrons are unbound by an energy increment of order 100 keV, whereas
diprotons have an additional Coulomb energy of order 500 keV [8]. Diprotons can
become bound with an increase in the strong force coupling constant of order 10%
[9, 13]. The main implication of bound diprotons is that nuclear reactions can take
place without the weak force, so that the cross section for the first step of nucle-
osynthesis is greatly enhanced. The increased binding energy of diprotons would
result in comensurate increases in the binding energy of other nuclei, but these
changes are relatively small: In this context, the main nucleosynthesis product is
helium, with binding energy 28.3 MeV, which could be increased by up to 10%.
The additional energy available from the larger binding energy leads to somewhat
longer stellar lifetimes. Since this effect is relatively small, and uncertain, this pa-
per uses standard values for the binding energies of all nuclei except the diprotons
and dineutrons. As a result, our estimates for stellar lifetimes should be considered
as lower limits, where the true lifetimes are expected to be longer by a few percent.

This paper is organized as follows. Section 2 discusses the implications of
bound diprotons on Big Bang Nucleosynthesis and finds that the light element
abundances are only modestly affected. The reaction rates for stellar evolution,
along with our approach to incorporating them, are then discussed in Section 3.
The numerical results from the MESA simulations are presented in Section 4,
including the modified main sequence, the time evolution of central temperature
and luminosity, the mass-luminosity relationship, and the effects of varying the
level of enhancement for the cross sections. The paper concludes in Section 5 with
a summary of results and a discussion of their implications. For completeness,
Appendix A presents the additional reactions arising for A = 2 nuclei, with a fo-
cus on those relevant for BBN and stellar nucleosynthesis. Additional Appendices
provide further detail concerning stellar evolution with bound diprotons, includ-
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ing an explanation for the nearly constant photospheric temperatures seen in the
simulations (Appendix B), a discussion of partially degenerate planetary mass
“stars” (Appendix C), and the logarithmic dependence of the stellar lifetime on
the nuclear enhancement factor (Appendix D).

2. Big Bang Nucleosyntheis Considerations

In this section we consider the ramifications of bound diprotons on BBN. If we
suppose that a diproton is bound in our nuclear framework, then we can extend
the scenario to include bound dineutrons. For a bound diproton, we estimate the
Coulomb repulsion energy to be

V2p =
e2

4πr
∼ 0.36

(
4 fm

r

)
MeV, (1)

where r is the mean separation of the two nucleons. For the sake of definiteness,
we consider values V2p ' 0.5 MeV, so that the binding energy of diprotons will
be 0.5 MeV less than that of dineutrons. In addition, we will require the binding
energy of diprotons to be small enough such that deuterium remains the most
tightly bound (lowest energy) A = 2 state. For purposes of estimating BBN
effects in this section, we fix the diproton binding energy such that the beta decay
reaction 2p → d + e+ + νe is not energetically possible. As a result, diprotons
have to capture leptons in order to transmute into deuterons.1 For the diproton
to deuteron reaction to be exothermic, we can relate the binding energy of the
diproton to that of the deuteron,

B2p < Bd − (mn −mp) ' 0.93 MeV, (2)

where mn and mp are the masses of the neutron and proton, respectively. To
prevent diproton beta decays, we also require

B2p > Bd − (mn −mp)−me ' 0.42 MeV, (3)

where me is the mass of the electron. We have ignored the mass of the neutrino in
both of the above inequalities. With respect to the above considerations, we take
the binding energies of the diproton and dineutron to be the following:

B2p = 0.5 MeV and B2n = 1.0 MeV. (4)

1This assumption is made for simplicity. But even if diprotons can undergo beta decay,
the lepton (mainly electron) capture reactions are still likely to be the dominant channel
of transmutation. This also represents a relatively weakly bound diproton, which would
be a smaller difference from our universe.
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We preserve the deuteron binding energy at Bd = 2.2 MeV.
All three dinucleon abundances will be in weak equilibrium with one another

at sufficiently high temperatures. For 2p and d, we can calculate the abundance
ratio with a Saha-like equation for the following weak interaction

e− + 2p←→ d+ νe ⇒ µe + µ2p = µd + µνe , (5)

where µi is the chemical potential of the relevant particle species i. Using Maxwell
Boltzmann statistics for the baryonic states, we can calculate the abundance ratio
of diprotons to deuterium,

Y2p

Yd
=
g2p
gd

exp

[
B2p −Bd

T
+
mn −mp

T
− φe + ξνe

]
. (6)

There exists a similar expression for the dineutron to deuteron ratio

Y2n

Yd
=
g2n
gd

exp

[
B2n −Bd

T
− mn −mp

T
+ φe − ξνe

]
. (7)

In equations (6) and (7), gX are the spin degrees of freedom of nuclide X, φe =
µe/T is the electron degeneracy parameter, and ξνe = µνe/T is the electron-
neutrino degeneracy parameter. In writing both equations, we have assumed chem-
ical equilibrium for a given lepton and anti-lepton. As the temperature decreases,
the weak-interaction rates which govern the interconversion between free-neutrons
and free-protons will fall out of equilibrium. In the standard cosmology, this pro-
cess begins above a temperature of 1 MeV and persists until the formation of 4He
below a temperature of 100 keV. In the presence of bound 2p and 2n, the free-
neutron-to-free-proton ratio may maintain equilibrium to lower temperatures if
the weak-interaction rates which govern the interconversion between the dinucleon
states are fast. The neutron-to-proton interconversion would occur, e.g., via the
following sequence

n(p, γ)d(e+, νe)
2p(γ, p)p. (8)

For the above sequence to be an efficient pathway to weak equilibrium, the weak
interaction and radiative capture/photo-dissociation reactions must all proceed
rapidly. We will make the assumption that weak interactions such as 2p(e−, νe)d
are slow on BBN time scales, but rapid on stellar evolution time scales. There-
fore, the weak interactions for dinucleons will not maintain equilibrium for free
neutrons and protons. However, for the small binding energies of the dinucleons,
those abundances maintain Nuclear Statistical Equilibrium (NSE) down to low
temperatures [30]. The abundance YX of nuclide X with atomic number Z and
atomic mass number A is thus given by

YX = Y Z
p Y

A−Z
n 2(A−3)/2π3(A−1)/2gXA

3/2

[
nb

(Tmb)3/2

]A−1

eBX/T , (9)
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where nb is the baryon number density, T is the plasma temperature, mb is the
baryon rest mass, and BX is the binding energy of nucleus X. The factor in
square brackets represents the inverse of the entropy, so that the high entropy of
the universe acts to keep the abundance YX low. The final exponential factor, due
to nuclear binding, acts in the opposite direction. As a result, YX is determined
by the competition between these opposing factors.

The abundances Yp and Yn of free protons and free neutrons will not follow
weak equilibrium trajectories at low temperature in this model. As a result, they
are free variables to be specified in equation (9). The resulting NSE ratios for the
dinucleon abundances are thus given by

Y2p

Yd
=
Yp
Yn

g2p
gd
e(B2p−Bd)/T , (10)

and
Y2n

Yd
=
Yn
Yp

g2n
gd
e(B2n−Bd)/T . (11)

The deuteron is a spin-1 system, so that gd = 3. The diproton and dineutron are
both spin-0 systems, so that g2p = g2n = 1. Since the dineutron and diproton
binding energies are less than that of the deuteron, the arguments in the above ex-
ponentials are stictly negative. If B2p < B2n, we would expect a larger abundance
of dineutrons than diprotons. However, the diproton abundance is proportional to
Yp, instead of Yn for the dineutron abundance, and this difference acts to enhance
Y2p over Y2n. At early times (T > 10 MeV), the neutron-to-proton ratio stays close
to unity and the exponential suppression from the binding energy expression leads
to Y2n & Y2p. Conversely, at later times (T < 100 keV), the neutron abundance
becomes negligible, and it is possible for Y2p and Y2n to differ greatly.

For Y2p and Y2n to maintain NSE abundances, the rates of creation and de-
struction of the nuclei must be large. The radiative capture reactions p(p, γ)2p
and n(n, γ)2n provide one channel for production and photo-dissociation. These
channels are electromagnetic. The faster channels would be the following strong
interactions with d in the final state

2p(n, p)d NA〈σv〉2pn ∼ 7× 108 cm3/s,
2n(p, n)d NA〈σv〉2np ∼ 7× 108 cm3/s,

(12)

where NA is Avogadro’s number. For both reactions above, we have taken the
thermally-averaged cross section from the reaction 3He(n, p)t to obtain an esti-
mated strength. Once the reverse rates for the above two reactions fall below the
Hubble expansion rate, diproton and dineutron synthesis will become inoperative.
If there is a large abundance of free protons, an individual proton can capture on

6



2n and destroy the 2n abundance. For 2p, if the free-neutron abundance is negligi-
ble, the main pathway for 2p transmutation would have to be a weak reaction or a
photo-dissociation. Both pathways are temperature sensitive, so we would expect
a freeze-out of the diproton abundance.

Our goal here is to estimate the dinucleon abundances at the point of departure
from secular equilibrium. As a result, we need to determine the temperature at
which the expressions in equations (10) and (11) no longer hold.

We begin by writing the Hubble expansion rate in terms of temperature for
radiation-dominated conditions,

H =

√
8π

3

π2

30
g?
T 2

mpl
' 1.3 s−1

(
g?

43/4

)(
T

1 MeV

)2

, (13)

where g? is the statistical degrees of freedom of the radiation energy density, and
mpl is the Planck mass. The rate that keeps 2p in NSE is

dY2p

dt
= YdYpnb〈σv〉2pne−Q2pn/T , (14)

where Q2pn = 1.7 MeV is the Q-value for the 2p(n, p)d reaction. If we use the NSE
ratio in equation (10), we can calculate the time-rate-of-change in the natural
logarithm of Y2p,

d lnY2p

dt
= Yn

gd
g2p

e(Bd−B2p)/T 2ζ(3)

π2
T 3η〈σv〉2pne−Q2pn/T = Yn

6ζ(3)

π2
T 3η〈σv〉2pn.

(15)
Once the 2p production rate falls below the Hubble expansion rate, Y2p no longer
maintains NSE. Equating the rate d lnY2p/dt to the Hubble expansion rate, we
find

Yn
6ζ(3)

π2
T 3η〈σv〉2pn =

√
8π

3

π2

30
g?
T 2

mpl
. (16)

This expression can be solved for temperature to obtain

T '
√

8π

3

π2

30

π2

6ζ(3)

1

Yn

1

η〈σv〉2pn

√
g?

mpl
(17)

' 6× 10−9 MeV

(
1

Yn

)(
6× 10−10

η

)(
1.16× 10−15 cm2

〈σv〉2pn

)( g?
3.36

)1/2

' 6× 10−2 MeV

(
10−7

Yn

)(
6× 10−10

η

)(
1.16× 10−15 cm2

〈σv〉2pn

)( g?
3.36

)1/2
.
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The right-hand-side of equation (17) includes the neutron abundance, which is
an implicit function of temperature. As a result, we caution that this expression
should be taken only as a guide. For example, the first numerical expression is
written in terms of the temperature where Y2p freezes-out if Yn = 1. Similarily,
the second numerical expression gives the temperature where Y2p freezes-out if
Yn = 10−7. Figure 1 plots the evolution tracks of the various light nuclei mass
fractions as a function of decreasing comoving temperature parameter, Tcm. The
mass fraction is defined using the abundance

Xi = AiYi, (18)

for atomic mass number Ai, while Tcm is a proxy for the scale factor and differs
from the plasma temperature due to heating of the plasma from electron-positron
annihilation [31]. The solid lines are from an actual standard BBN calculation
without bound diprotons or dineutrons [32]. The dotted lines give the mass frac-
tions of diprotons and dineutrons assuming the secular equilibrium in equations
(10) and (11). In addition, we plot the NSE mass fractions for the dinucleon
states from equation (9). By inspection of Figure 1, we see that the value for the
2p freeze-out temperature for Yn = 10−7 is an overestimate, while the value for
Yn = 1 is a gross underestimate (using numerical values from equation [17]). How-
ever, if the diproton abundance follows the dotted curve from secular equilibrium,
we see that the addition to the primordial deuterium abundance from diproton
transmutation is small and of little consequence to the initial composition of stars
at later epochs.

The dineutron abundance would follow a similar expression to the diproton
abundance in equation (16), except for the replacement of the free-neutron abun-
dance with the free-proton abundance. The proton abundance Yp also has time
dependence, but the mass fraction always stays close to unity in standard BBN
as seen in Figure 1. As equation (17) indicates a low temperature for diproton
freeze-out if Yn = 1, we conjecture that the dineutron abundance would stay in
secular equilibrium to very low temperatures. Therefore, we expect an insignifi-
cant addition to primordial deuterium from dineutron transmutation, as indicated
by the dotted curves in Figure 1.

Our arguments in this section rely on a number of assumptions. First, we
have used NSE and secular equilibria between the A = 2 mass states to evolve
the diproton and dineutron abundances. Figure 1 shows that all three of the
A = 2 mass fractions align with the NSE values down to a low temperature T .
100 keV. However, immediately after the point of departure from NSE, the NSE
values and actual/secular equilibrium values differ greatly. Second, both the NSE
and secular equilibrium expressions are exponentially sensitive to binding energy.
Picking different values of the diproton and dineutron binding energy will change
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10�210�1100

Tcm (MeV)

10�20
10�18
10�16
10�14
10�12
10�10
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i

n

p

d
2n
2p

Figure 1: Standard BBN abundances (solid lines) as a function of decreasing Tcm. Dashed
lines show NSE tracks for dinucleons (see equation [9]) and dotted lines show secular
equilibrium tracks (see equations [10] and [11]).
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the point of departure from NSE. Third, we used temperature-independent cross
sections based on strong interactions for the 2p ↔ d ↔ 2n reactions. Introducing
temperature dependence or changing the overall strength of the cross sections will
also influence A = 2 nucleosynthesis. Finally, we have only considered the reactions
that create diprotons and dineutrons out of free particles or transmute them to
deuterium. We have not considered other strong reactions, such as d(2n, n)t, which
could lead to an earlier epoch of 4He synthesis and hence a larger primordial
abundance.

Addressing the above criticisms requires a numerical calculation beyond our
equilibrium estimates, as well as an extensive exploration of parameter space.
Nevertheless, for the nuclear binding energies considered here, we estimate that the
primoridal abundance of free protons, deuterium, and helium will be approximately
the same as from standard BBN in our universe. The high entropy of the universe
prevents the conversion of most of the protons into bound states, as well as the
contruction of larger nuclei. The results from BBN could thus be different for
universes in which the entropy is substantially lower.

3. Stellar Nuclear Reactions

This section considers the nuclear reactions that are relevant for stellar interi-
ors. Only the reactions involving diprotons are significant. As shown above, BBN
generally does not produce enough dineutrons to affect stellar evolution, and any
dineutrons that are produced will have decayed into deuterium. The remaining
reactions that affect the production of helium are discussed below.

The process starts with the original production reaction,

p+ p −→ 2p+ γ . (19)

The weak decay of the diproton involves the production of a positron, which re-
quires a minimum amount of energy (0.511 MeV). On the other hand, the center
of the star contains a population of free electrons, so we expect the tranformation
reaction that turns diprotons into deuterium to be given by electron capture,

e− + 2p −→ d+ νe . (20)

Although this reaction involves the weak force, it does not require the particles to
overcome a Coulomb barrier, so the rate is much larger than the corresponding re-
action at the start of the p-p chain. Because the charges lead to an attractive force,
the cross section is increased further due to the Sommerfeld enhancement. The
remaining new reaction involves the interaction of the diproton with the deuteron
to produce 3He,

2p+ d −→ 3He + p . (21)
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However, this new reaction is likely to be slower than the standard interaction of
the deuteron, i.e.,

d+ p −→ 3He + γ . (22)

In the Sun, for example, the deuteron has a typical lifetime of about 4 seconds,
which is much shorter than the typical interaction time of the original protons
(a few Gyr). Moreover, the usual deuterium burning reaction (22) is likely to
dominate over equation (21) because of the increased Coulomb repulsion in the
latter. The resulting 3He then interacts through the usual channel,

3He + 3He −→ 4He + 2p+ γ . (23)

This set of reactions corresponds to the so-called PPI chain in the Sun, where this
channel accounts for about 85% of the helium production [33, 34, 35, 36]. For
the cases of interest, we find that the operating temperature in stellar cores is
lower (see Section 4) so that the suppression due to Coulomb barrier penetration
is more severe, and the PPI chain should dominate over other channels by an even
larger margin than in the Sun.2 For completeness, we note that the presence of
stable diprotons allows for the alternate reaction 3He(3He,2p)4He, which produces
a diproton instead of two separate protons. In our universe the original reaction
(23) has a yield of 12.86 MeV, which is much larger than the binding energy of 2p,
so that diproton production is expected to be minimal.

Given the above reactions, nuclear burning in stars containing stable diprotons
could in principle proceed in different ways:

[I] In the first scenario, the production reaction (19) takes place, but the sub-
sequent weak interaction (20) is slow. In this case, the star burns its protons into
diprotons, but the diproton products remain inert (much like helium collects in
stellar cores in our universe, but does not react until later stages of stellar evolu-
tion). The energy yield for this scenario is determined by the binding energy of the
diproton. This binding energy is expected to be comparable to that of deuterium
in our universe (Bd ≈ 2.2 MeV), about ∼ 1 MeV per particle.

[II] In the second scenario, the weak interaction (20) proceeds rapidly enough
that diprotons are converted into deuterium as they are produced. The subsequent
reaction (22) then produces 3He, in close analogy to the processes taking place in
stellar cores in our universe, albeit with greatly enhanced cross sections. However,
the temperature is generally too low for the 3He to be processed into 4He through
equation (23). The stellar core is thus converted into 3He, but it burns in a later

2Recall that the CNO cycle is more temperature sensitive than the p-p chain. The
lower central temperatures for stars with diprotons thus results in a suppression of CNO
reactions.
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evolutionary stage. The binding energy of 3He is about 7.7 MeV in our universe,
and is expected to be somewhat larger in a universe with stable diprotons. The
energetic yield for this scenario is ∼ 3 MeV per particle.

[III] For some range of parameters, the nuclear burning temperature for the
processes of equations (19 – 22) could be high enough that 3He is processed as
it is synthesized. In this case, the original protons are transformed into 4He in a
single stage of stellar nucleosynthesis, roughly analogous to the p-p chain in the
Sun. The energetic yield for this scenario is thus ∼ 7 MeV per particle (although
the intermediate steps are different than for the standard p-p chain).

Which of the scenarios is in play is determined by the relative rates of diproton
destruction and production, where this ratio is given by

R =
nen2p〈σv〉2pe
n2
p〈σv〉pp

≈ n2p〈σv〉2pe
np〈σv〉pp

. (24)

The following subsections estimate the diproton production cross section (denomi-
nator, Section 3.1) and the diproton destruction cross section (numerator, Section
3.2). These considerations indicate that the diproton destruction rate (via deu-
terium production) is fast enough to keep pace with diproton production, so that
we expect 3He to be produced promptly through reactions (19), (20), and (22).
On the other hand, the stellar evolution simulations of the following section indi-
cate that the nuclear burning temperature is only Tc ∼ 106 K with the expected
enhancement of the cross sections. This temperature is too low for 3He to react, so
that 4He production takes place at a later epoch. As a result, stars are expected
to follow scenario II.

3.1. Cross Section for Diproton Production

In general, the velocity averaged cross section for stellar nuclear reactions can
be written in the from

〈σv〉 =

(
8

πmR

)1/2

(kT )−3/2

∫
σE exp[−kT/E]dE , (25)

where mR is the reduced mass of the two interacting particles [33, 35]. For charged
particles undergoing non-resonant interactions, the cross section can be written as

σ(E) =
S(E)

E
exp

[
−(EG/E)1/2

]
, (26)

where EG is the Gamow energy EG = 2(παZ1Z2)2mR c
2. After integrating over

the thermal distribution of particle energies, the resulting cross section (weighted
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by velocity) can be written in the form

〈σv〉 =
8

9

(
2

3EGmR

)1/2

SeffΦ2 exp[−Φ] . (27)

where
Φ ≡ 3(EG/4kT )1/3 . (28)

For p(p, e+ν)d, mR = mp/2 = 469 MeV and EG = 493 keV. If the reaction
produces diprotons instead, the reduced mass and Gamow energy remain the same.
The coefficient Seff is generally expressed in units of MeV-barn, where values for
reactions of interest are given in Table 1. With this set of units of Seff , the cross
section can be written in the form

〈σv〉 = (1.43× 10−15cm3s−1)SeffΦ2 exp[−Φ] . (29)

Finally, we can write the parameter Φ in the form

Φ = λΦ0 where λ = (Z1Z2)2/3A1/3 , (30)

where A = A1A2/(A1 + A2). The value of Φ0 is the same for all reactions (at a
given temperature), i.e.,

Φ0 ≈ 19.76

(
T

107 K

)−1/3

. (31)

The expression for the cross section is then

〈σv〉 = (1.43× 10−15cm3s−1)Seffλ
2Φ2

0 exp[−λΦ0] . (32)

In our universe, the cross section for the reaction p(d, γ)3He is larger than that
for p(p, e+ν)d by a factor X ≈ 7 × 1017 (see Table 1). As a first approximation,
we expect a comparable enhancement factor for the reaction (19) that produces
diprotons. However, the binding energy of 3He is (most likely) larger than that
of the diproton, and nuclear reaction rates can vary by a few orders of magnitude
even for analog reactions. For example, the cross section for t(p, γ)4He is an
order of magnitude smaller than that for the less energetic reaction d(p, γ)3He.
The p(p, γ)2p reaction will be less energetic still, so we expect the cross section
and enhancement factor to be smaller than the above estimate. For the sake
of definiteness, this paper focuses on the values X = 1015 and X = 1018 for
the stellar evolution calculations of the following section. Nonetheless, a wider
range of enhancement factors is possible. It is useful to see how stellar evolution
changes over a larger parameter space, so we also (briefly) consider stars with
X = 10−3 − 1018 (see Section 4.4).
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reaction Seff (MeV-barn) λ X
pp→ d 3.36× 10−25 1 1
pd→ 3He 2.50× 10−7 1.26 7× 1017

pp→ 2p 3× (10−10 − 10−7) 1 1015 − 1018

Table 1: Cross Section Parameters

For reactions that process protons into diprotons, the nuclear burning tem-
perature is about T ∼ 106 K, so that Φ0 ≈ 40. If we adopt enhancement factors
in the range X = 1015 − 1018, which corresponds to Seff ≈ 3 × 10−10 − 3 × 10−7

MeV-barn, the resulting cross section from equation (32) can be estimated as

〈σv〉pp ∼ 3× (10−36 − 10−39)cm3s−1 . (33)

3.2. Weak Interaction Cross Section for Diproton Destruction

Weak interactions for stellar nucleosynthesis have been studied previously [37,
38]. Following this prior work, we define the quantity 〈ft〉 such that the decay
rate is given by

Γ = 1/τ =
ln 2

〈ft〉f , (34)

where f is the phase space density factor. In approximate terms, the quantity
〈ft〉 plays the role of the half-life divided by the phase space function. The matrix
element for the interaction is given by

|MGT |2 =
∑
if

nipn
f
n

2jf + 1
|M sp

GT |2if , (35)

where the matrix element and the 〈ft〉 factor are related through the approximate
expression

log10〈ft〉 = 3.596− log10 |MGT |2 . (36)

After considerable analysis [37, 38], the cross section can be written in the form

σ = 2π2 (ln 2)
〈G〉
〈ft〉

(E +Q)2

m5
e

, (37)

where 〈G〉 represents an integral over the phase space and is temperature depen-
dent. Notice that 〈G〉 is expected to be larger than unity due to the Sommerfeld
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enhancement [39]. In this context, the operating temperature of the star (Tc ∼ 106

K) is low compared to the energy scales of interest (E ∼ 1 MeV ∼ 1010 K), so that
the expression can be evaluated in the low temperature limit. The quantity Q is
the mass difference between the initial and final states. Here we are considering
the capture process 2p(e−, νe)d, so that the initial mass is given by 2mp−B2p+me,
whereas the final mass is given by mp + mn − Bd. The difference determines the
Q factor, which becomes

Q = mp +me −mn +Bd −B2p ≈ −0.8MeV +Bd −B2p . (38)

In order for the reaction to be enegetically favored, the binding energy of deuterium
must exceed the binding energy of the diproton by more than 0.8 MeV. In our
universe, the Bd exceeds B2p by more than 2.2 MeV, so if the binding energies
increase together, diprotons can be transmuted into deuterons through reaction
(20). For the particular choice B2p = 0.5 MeV (from Section 2), the factor becomes
Q = 0.9 MeV.

The time scale 〈ft〉/〈G〉 is determined by the weak interaction. As a working
approximation, we expect this time scale to be comparable to the time τn required
for neutrons to decay. This latter time scale can be written in the form

τ−1
n = G2

Fm
5
eC1 . (39)

The dimensionless factor C1 can be calculated from an effective field theory of the
weak interaction where the quark degrees of freedom of the proton/neutron have
been integrated out. In our universe, C1 = λ0(1 + 3g2

A)/2π3, where the numerical
factor λ0 ≈ 1.636, and gA ≈ 1.26 is the axial-vector coupling factor for nucleons
[40]. With this approximation, the cross section from equation (37) can be written
in the form

σ = 2π2(ln 2)C2G
2
F (E +Q)2 ≈ 2G2

F (E +Q)2 ∼ 4× 10−43cm2 , (40)

where the new dimensionless factor C2 includes the nuclear physics relevant in the
alternate universe where the strong force is stronger and diprotons are bound.3

For the sake of definiteness, we have used C1 = C2, along with E +Q = 2 MeV, to
evaluate the cross section. The electron speed is given approximately by

ve ≈
(

3kT

me

)1/2

≈ 7× 108cm s−1 , (41)

3In general, if the strong force is altered, then the weak force is expected to change as
well. Moreover, the axial-vector coupling gA in our universe depends on the properties of
nucleons, which can also change as the strong force is varied. However, we expect such
changes to be modest.
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so that we have
〈σv〉2pe ∼ 3× 10−34cm3s−1 . (42)

For the expected operating temperature of the star (Tc ∼ 106 K), this (velocity
weighted) cross section is larger than that for producing diprotons by a factor of
102 − 105 over the expected range of nuclear enhancement factors X (see equa-
tion [33]). As a result, we expect diprotons to be converted into deuterium as
fast as they are produced. As a working approximation, we can assume that the
cross section for diprotons production corresponds to that for deuterium produc-
tion. Moreover, as long as the e− capture process is rapid compared to diproton
production, the exact capture rate does not matter (the diprotons immediately
capture electrons and become deuterium). Thus, the net result for stellar nucle-
osynthesis with stable diprotons is to make the factor Seff much larger than in our
universe, where we consider enhancement factors in the range X = 1015 − 1018.

The approximations outlined above should remain valid unless the weak in-
teraction becomes significantly less effective than in our universe. However, if the
rate at which electron capture converts diprotons into deuterium is too slow, then
stars would process protons into diprotons, but the latter nuclei would remain
inert. This alternate scenario is unlikely. Specifically, the dimensionless factor C2

would have be more than 100 times smaller than the value (C1) in our universe,
although it is expected to be larger due to Sommerfeld enhancement. To study this
issue, future work should carry out a full Hartree-Fock type of calculation, which
is beyond the scope of this present paper. Of course, even if diprotons cannot
be rapidly converted into deuterium, stars would still operate, albeit with a lower
yield. In this case, the energy produced per particle would be determined by the
binding energy of the diproton instead of the (larger) binding energy of 3He (which
holds when d + p → 3He is rapid, as considered in this paper). This difference is
a factor of ∼ 3 less energy yield per particle and would result in a commensurate
decrease in stellar lifetimes.

4. Results from Stellar Evolution Simulations

In this section, we present results obtained using the MESA stellar evolution
code, a state of the art numerical package that is publically available [28]. Here
we focus on scenario II, where electron capture is fast enough to convert diprotons
into deuterium, but the 3He nuclei are not processed immediately.

To account for this scenario, we enhance the nuclear reaction rates for the
p-p chain by a constant factor X. In the usual p-p chain, the first step is the
production of deuterium through the fusion of two protons. This reaction is slow,
due to the necessity of the weak interaction. In stars with stable diprotons, the

16



protons can fuse directly into diprotons through the strong interaction. The re-
sulting diproton will then capture an electron and become deuterium as before (see
equation [20]). Although this latter reaction still requires the weak interaction, it
is much faster than usual p-p reactions due to the absence of the coloumb barrier.
In both scenarios, deuterium interacts rapidly with additional protons to become
3He. Since the latter interaction is fast, stellar evolution codes generally model the
reaction as three protons producing 3He. The subsequent reactions involving the
conversion of 3He to make 4He are then modeled explicitly. The net effect of hav-
ing stable diprotons is thus to enhance the reaction rate for 3He production. The
results of the previous section indicate that the enhancement factor is expected to
be X ≈ 1015 − 1018. Here we focus on this range for X, but also explore a much
wider range of values.

4.1. The Main Sequence

For MESA simulations with nuclear enhancement factors X = 1015 and X =
1018, Figure 2 shows the main sequence for stars with stable diprotons compared
with those in our universe. For the standard main sequence in our universe, the
stellar mass range is taken to be M∗ = 0.08 − 100M�. The upper mass cutoff
is determined by stability considerations. For stars larger than about M∗

>∼ 100
M�, the pressure contribution due to radiation becomes larger than that due to
thermal gas pressure, and the star becomes unstable [33, 34, 35]. This upper mass
limit is independent of the source of the stellar luminosity and is expected to be
the same for stars with stable diprotons. In addition, the mass-luminosity relation
for sufficiently massive stars approaches the form L∗ ∼ 4πGcM∗/κ, where κ is
the opacity. As a result, the brightest stars (with M∗ = 100M�) have luminosity
L∗ ∼ 106L�, as shown in Figure 2.

The lower mass cutoff is determined by the minimum mass capable of pro-
ducing sustained nuclear fusion. This mass scale depends on the nuclear burning
temperature, which in turn depends on the nuclear processes that power the star.
For hydrogen burning stars in our universe, the lower mass cutoff is approximately
M∗ = 0.08 M�. For stars with with stable diprotons and enhanced reaction cross
sections, the nuclear burning temperature is lower, comparable to the deuterium
burning temperature in our universe (Tc ∼ 106 K). With this value for the nuclear
burning temperature, the minimum mass decreases down to M∗ = 0.01 M� = 10
MJ . As shown in Figure 2, the main sequence extends down to this mass scale.
In addition, however, the numerical simulations show that nuclear burning can be
sustained at even lower masses.

The resulting main sequence for stars with stable diprotons contains two dis-
tinct branches (see Figure 2). The upper branch corresponds to stars with masses
in the range M∗ = 0.01 − 100M�, and displays a narrow range of photospheric
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temperatures. The lower branch includes stars with masses in the range M∗ =
0.5 − 10MJ , and displays a wider range of (much cooler) temperatures. These
low-mass objects are primarily supported by electron degeneracy pressure and can
thus be considered as the “degenerate branch” of the main sequence. In contrast,
stellar objects on the upper main sequence are supported by thermal pressure, like
ordinary stars in our universe.

More specifically, the upper branch of the main sequence is roughly similar to
the main sequence for deuterium burning in our universe. This result is expected,
as the large enhancement factors X for diproton reactions are motivated by the
reaction cross sections for deuterium [26, 27]. The mass range for the upper main
sequence is also consistent with that expected for deuterium burning. Moreover,
the upper main sequence has a slowly varying photospheric temperature, nearly
independent of stellar mass, with typical values in the range T∗ ≈ 3000 − 5000
K. These photospheric temperatures not only span a narrower range (even though
the mass range is larger for these diproton stars), but they are also cooler than
ordinary hydrogen-burning stars. The slowly varying surface temperature leads
to a different mass-luminosity relation, compared with stars in our universe (see
Section 4.3 and Appendix B). The luminosity range for the upper main sequence
is comparable to that of ordinary stars, and spans essentially the same nine orders
of magnitude (L∗ = 10−3 − 106L�).

Figure 2 shows that the upper main sequence for both X = 1015 and X = 1018

are remarkably similar. Some uniformity is expected, because stellar properties de-
pend only logarithmically on the enhancement factor X (Appendix D), but these
main sequences are nearly identical. This result arises from the nearly constant
surface temperatures for these stellar configurations. Because of the extreme tem-
perature sensitivity of the opacity, photospheric temperatures cannot fall below a
minimum value [41], so that the main sequence cannot move farther to the right
in the diagram (for further discussion, see also Section 4.5 and Appendix C).

The lower branch of the main sequence shown in Figure 2 includes much smaller
stars with masses comparable to Jupiter, i.e., M∗ = 0.5 − 10MJ . This collection
of stellar objects spans an additional four orders of magnitude in luminosity and
displays a wider range of photospheric temperature in spite of the smaller mass
range. The minimum stellar mass for this lower branch is thus substantially smaller
than the minimum mass for deuterium burning, i.e., M∗ . 0.5MJ . In this regime,
the differences between stars with X = 1015 and X = 1018 are more pronounced,
with the luminosities increasingly significantly with increasing enhancement factor
(especially at the lowest stellar masses M∗ ∼ 1MJ).

The two parts of the main sequence correspond to different types of stellar
configurations. In the range M∗ = 0.01−100M�, the stars are supported primarily
by thermal pressure, where the nuclear reactions provide heating for the gas that
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Figure 2: Main sequence for stellar nucleosynthesis in our universe (left black curve) and
for universes with stable diprotons and enhanced nuclear reaction rates with X = 1015

(right red curve) and X = 1018 (right blue curve). The symbols denote specific stellar
mass values: M∗ = 100M� (top), 10M�, 1M�, 0.1M� (bottom of black curve), 10−2M�,
and 10−3M� = 1MJ (bottom of red curve). The standard main sequence extends down
to M∗ = 0.08M�. The diproton main sequence contains two distinct branches (see text).
For the upper branch with masses M∗ = 0.01− 100M�, the main sequence is steep, with
photospheric temperatures spanning a narrow range. For the lower branch with masses
M∗ < 0.01M� = 10MJ , the stars have nearly constant radius, and the main sequence
becomes less steep.

provides the pressure. These stars are thus like those in our universe. For the
lower branch, with masses M∗ < 0.01M�, the main sequence slope corresponds to
stellar configurations with nearly constant radius. This behavior indicates that the
stars are supported primarily — but not entirely — by degeneracy pressure. These
unusual objects are much like brown dwarfs in our universe, in that hydrostatic
equilibrium does not rely on nuclear reactions, but here the greatly enhanced
nuclear cross sections allow for substantial power generation (see Section 4.5 and
Appendix C). For both branches of the main sequence, stars are able to achieve
sustained nuclear power generation over time scales long enough to be of interest
for cosmology and biology.

Figure 3 shows the internal structure of a star with mass M∗ = 0.3M� for en-
hanced nuclear reaction rates (solid curves) and for standard rates (dashed curves).
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Figure 3: Comparison of stellar structure for stars with mass M∗ = 0.3 M� with standard
nuclear reactions (dashed curves) and enhanced rates (X = 1015, solid curves). The three
sets of curves show the profiles for pressure (upper blue cuves), temperature (middle green
curves), and density (lower red curves) as a function of radial coordinate within the star.
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Figure 4: Stellar luminosity as a function of stellar age for stars with enhanced nuclear
reaction rates X = 1015.

This stellar mass was chosen because it represents one of the most common stars
in our universe; moreover, its luminosity and lifespan in the alternate universe are
roughly comparable to those of the Sun. The figure shows the profiles for pressure
(blue curves), temperature (green curves), and density (red curves) for the two
stars. For all three quantities, the central values are somewhat larger for the star
with standard nuclear reactions rates and the profiles fall off more steeply. The
star with enhanced reaction rates is about twice as large in radius and displays
flatter profiles. The larger radius results in the cooler surface temperatures (redder
colors) shown in the H-R diagram of Figure 2.

4.2. Time Evolution of Stellar Properties

The stellar luminosity is shown as a function of stellar age in Figures 4 and
5, for enhancement factors X = 1015 and X = 1018, respectively. All of the stars
experience a short initial phase of declining brightness corresponding to pre-main-
sequence contraction. This phase is relatively short, so that only the smallest
stars show this behavior over the time scales shown in the figures. After this early
transient phase, all of the stars experience an extended phase of nearly constant lu-
minosity, corresponding to main-sequence nuclear reactions (protons → diprotons
→ 3He).
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Figure 5: Stellar luminosity as a function of stellar age for stars with enhanced nuclear
reaction rates X = 1018.

For the lower mass stars, the central temperatures for burning protons into
diprotons and then 3He, are relatively low, so that the latter species is not im-
mediately processed into 4He. Instead, the lower mass stars display two distinct
phases, first producing 3He as the product and then later transforming the 3He
into 4He. These separate phases are evident in both Figures 4 and 5 for stars with
masses in the range M∗ = 0.03 – 1 M�. For stars of even lower mass (specifi-
cally less than about M∗ = 0.01M� = 10 MJ), the central temperature cannot
become high enough to burn 3He. These lowest-mass stars only experience the
first of the two phases, and they end their lives with a 3He core. Higher mass stars
with M∗ > 1M� also have these two phases, but they are much shorter and more
blended together as shown in the figures.

For the highest mass stars, the stellar lifetimes are comparable to those in our
universe (millions of years). For solar type stars, the stellar lifetimes are shorter
than those in our universe by about one order of magnitude, so that a star with
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M∗ = 1M� burns its hydrogen over ∼ 1 Gyr. In addition, we find that luminosity
depends on stellar mass according to L∗ ∝ M2

∗ , which represents a less steep
dependence than that for ordinary hydrogen burning stars (where L∗ ∝ M3

∗ ). As
a result, the stellar lifetimes scale roughly as t∗ ∝ 1/M∗. For the upper branch
of the main sequence, the longest-lived stars are those with the minimum mass
required to burn 3He into 4He, where this mass scale is M∗ ≈ 0.03M� (see Figures
4 and 5). These stars live for trillions of years, much longer than the expected
lifetime of the Sun, and much longer than the current age of our universe. The
stars on the lower degenerate branch of the main sequence, with M∗

<∼ 10MJ , can
live even longer, up to ∼ 1014 yr. However, these stars are dim and cool, with
L∗ ∼ 10−7 − 10−8L� and T∗ ∼ 300 K.

The central temperature is plotted as a function of stellar age in Figures 6 and
7 for the same collection of stars (with nuclear enhancement factors X = 1015 and
X = 1018). Results are shown for stellar masses ranging from M∗ = 0.5MJ up
to M∗ = 100M�. All of the stars display an extended phase of nearly constant
central temperature corresponding to burning of hydrogen into diprotons and then
3He. For higher mass stars, this temperature is somewhat higher than 106 K,
whereas for lower mass stars, the central temperature is somewhat smaller than
106 K (for stellar mass M∗

>∼ 10MJ). For stars on the lower portion of the main
sequence, with M∗ < 10MJ , the central temperature is substantially lower. All of
these central temperatures are below that required to process 3He into 4He (which
corresponds to Tc ∼ 7× 106 K), so the stellar cores are converted into the lighter
helium isotope. The time span for this p-p -burning phase ranges from about 1 Myr
for the largest stars (M∗ ∼ 100 M�), to 1 Gyr for solar type stars (M∗ ∼ 1M�),
to 100 Gyr for the smallest stars on the upper main sequence (M∗ ∼ 0.01M�). As
discussed above, stars on the lower degenerate branch of the main sequence can
live up to 1014 yr.

After the stellar cores exhaust their protons and attain a largely 3He composi-
tion, the stars condense, the central temperatures increases to ∼ 107 K, and 3He
is processed into 4He. For the higher mass stars, this phase has a comparable
lifetime to the earlier hydrogen burning phase (note the logarithmic scale). For
lower mass stars, this second phase lasts even longer than the initial phase, as
long as the stars are massive enough to burn 3He. The smallest stars, those with
masses M∗

<∼ 0.025 M� have enough mass to produce 3He, but not to burn it. As
a result, the longest-lived stars (on the upper main sequence) are those with the
minimum mass required to burn 3He, with M∗ ≈ 0.025M�, where the total life-
time is ∼ 5.5 trillion years. For comparison, the longest-lived stars in our universe,
with mass M∗ = 0.08M�, have main-sequence lifetimes of ∼ 12 trillion years [42].
Note that these timescales are calculated for stars with solar metallicity, Z = Z�,
and that lifetimes increase with increasing metallicity (up to a maxmimum value
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Figure 6: Central temperature as a function of stellar age for stars with nuclear enhance-
ment factor X = 1015.

Z ≈ 0.04 > Z� [43]).
Figures 8 and 9 shows the tracks in the H-R diagram for stars with bound

diprotons over the same age range used in the previous figures (X = 1015 and X =
1018, respectively). The tracks start at stellar age t = 104 yr, which is somewhat
shorter than their expected formation time, in order to see how the stars evolve at
early times. In this application, we use the MESA stellar evolution code to build
stellar models with large radii and then follow their subsequent evolution onto
the main-sequence. Future work should account for the star formation process,
where the bodies actively assemble their masses over time spans of tf ∼ 105 yr
[44]. Although the initial decade in time should not be considered as definitive,
for stellar ages t >∼ 105 yr, the stellar tracks reflect the physical behavior that is
expected. In Figures 8 and 9, the pre-main-sequence (PMS) portions of the tracks
in the H-R diagram are confined to the right of the main sequence (lower surface
temperatures) and are relatively short (and would be shorter if they were plotted
after the isochrone for 105 yr).

The PMS phase for diproton stars is thus shorter than that of ordinary hy-
drogen burning stars, and this trend can be understood as follows: The central
temperature is an increasing function of time as the stars contract. The central
temperature (Tc ∼ 106 K) required for diproton reactions is reached well before
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Figure 7: Central temperature as a function of stellar age for stars with nuclear enhance-
ment factor X = 1018.
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Figure 8: Tracks in the H-R diagram for stars with stable diprotons and nuclear enhance-
ment factor X = 1015. The black curve depicts the Zero Age Main Sequence, ZAMS,
defined here as the epoch when the nuclear burning luminosity reaches 99% of the total
luminosity. The tracks to the right of the main sequence corresponds to the early pre-main-
sequence evolution, whereas the tracks to the left correspond to later post-main-sequence
evolution.
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Figure 9: Tracks in the H-R diagram for stars with stable diprotons and nuclear enhance-
ment factor X = 1018. The black curve depicts the Zero Age Main Sequence, ZAMS,
defined here as the epoch when the nuclear burning luminosity reaches 99% of the total
luminosity. The tracks to the right of the main sequence corresponds to the early pre-main-
sequence evolution, whereas the tracks to the left correspond to later post-main-sequence
evolution.
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the temperature (Tc ∼ 1.5 × 107 K) required for hydrogen burning, resulting in
the shorter PMS phase. When the central temperature reaches Tc ∼ 106 K, and
nuclear fusion begins, the vertical evolution in the H-R diagram comes to a halt,
and the stars lie along the zero-age main-sequence (shown as the dark curves in
Figures 8 and 9).

Figures 8 and 9 also show the post main sequence evolution of the stars, up
to the development of a helium core. These tracks indicate that stars move to
the left in the H-R diagram (with increasing surface temperatures) as they ex-
haust their hydrogen and 3He fuel. Subsequent stellar evolution, where stars with
M∗

>∼ 1M� produce carbon and successively larger nuclei, is expected to be the
nearly same as in our universe for a given stellar mass, and the corresponding
tracks are not shown. For the largest stars with M∗ = 100M�, the tracks display
detailed structure, where the stars move back and forth in the diagram during
their post main sequence evolution (upper dark blue curves). This complicated
behavior arises because such large stars have enough internal radiation pressure
that they approach n = 3 polytropes, which are unstable [33, 34, 35]. Notice
also that the tracks for low-mass stars, with masses M∗

<∼ 0.3M�, turn downward
(with decreasing luminosity) at the end of time span shown in the diagram. This
behavior is expected: unlike solar-type (and more massive) stars, low-mass stars
do not become red giants during their post main sequence evolution, and become
bluer and dimmer instead [42].

4.3. Mass-Luminosity Relation

In contrast to the standard mass-luminosity relation for radiative hydrogen
burning stars on the main sequence, where L∗ ∝M3

∗ , these numerical results show
that diproton stars have L∗ ∝M2

∗ . This trend holds over the entire upper branch
of the main sequence, for stellar masses in the range M∗ = 0.01 – 100 M�. The
key features leading to this form of the mass-luminosity relation are that both the
central temperature and the surface temperature are almost constant — nearly
independent of stellar mass — as discussed below.

First, consider the central temperature Tc. The enhanced cross sections for
nuclear interactions lead to lower operating temperatures (Tc ∼ 106 K). As a re-
sult, the classical turning point for nuclear interactions is larger than for standard
stellar interiors. Because the particles interact through quantum mechanical tun-
neling, which is exponentially suppressed, the reaction rate is extremely sensitive
to temperature. The lower temperature implies a larger tunneling barrier, which
makes the reaction rates an even more steeply increasing function of Tc (compared
to main sequence stars in our universe). This extreme sensitivity, in turn, leads to
a nearly constant central temperature as a function of stellar mass.
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The surface temperature Teff is also nearly constant with varying stellar mass,
as shown by the main-sequence for diproton stars in the H-R diagram (Figure 2).
This behavior is related to the Hayashi forbidden zone [41], which prevents stars
from having surface temperatures that are too cool, and is caused primarily by
opacity effects. Although the derivation is somewhat complicated, it can be shown
that fully convective stars trace through nearly vertical tracks in the H-R diagram
[34, 36], so that the surface temperature is nearly independent of luminosity and
slowly varying with stellar mass. A simplified version of this argument is presented
in Appendix B. These stars, which have larger luminosities from the production
of diprotons, are largely convective and display this behavior.

Given central temperatures Tc and photospheric temperatures Teff that are
nearly constant, the mass-luminosity relation can be understood as follows. The
central pressure of the star must be large enough to support the star against self-
gravity and must be provided by the ideal gas law. These two constraints can be
written in the approximate form

Pc ≈
GM2

∗
R4

∗
≈ ρc

kTc
µ
≈ M∗
R3

∗

kTc
µ

, or kTc ≈
GM∗µ

R∗
, (43)

where we ignore dimensionless factors of order unity and where µ is the mean
particle mass in the stellar core. In the limit where Tc is independent of stellar
mass, the above relations show that R∗ ∝ M∗. Now consider the outer boundary
condition,

L∗ = 4πR2
∗σT

4
eff . (44)

For constant surface temperature, we find that

L∗ ∝ R2
∗ ∝M2

∗ , (45)

as found in the stellar evolution simulations. Putting in the physical constants,
we can derive an approximate expression for the stellar luminosity as a function
of mass:

L∗ = 4π

(
GM∗µ

kTc

)2

σT 4
eff . (46)

This relation leads to the simple power-law L∗ ∼M2
∗ for constant Tc and Teff .

For completeness we note that the expression (46) continues to be (approxi-
mately) valid even when the central temperature Tc and photospheric temperature
Teff vary with mass. In actuality, both the Tc and Teff are slowly increasing func-
tions of stellar mass. Moreover, the central temperature Tc varies more rapidly
than the surface temperature Teff . Figure 6 shows that Tc varies by a factor ∼ 6.6
over the allowed mass range, so that T 2

c varies by ∼ 44. For comparison, Figure 2
shows that Teff varies by a factor of ∼ 2.5, so that T 4

eff varies by ∼ 40. As a result,
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Figure 10: Mass-luminosity relationship for stars in universes with stable diprotons (with
enhancement factor X = 1015). The red curve shows the mass-luminosity relation for
the first stage of nuclear burning, where protons are processed first into diprotons and
then into 3He. The dashed line shows the power-law relation from equation (46). For
comparison, the blue curve shows the mass-luminosity relation for main sequence stars in
our universe. Both sets of stellar models use solar metallicity.

the increase in T 2
c in the denominator is effectively offset by the increase in T 4

eff in
the numerator, thereby leaving the original approximation L∗ ∼M2

∗ unchanged.
Figure 10 shows the mass-luminosity relationship for stars with stable diprotons

on the upper branch of the main sequence (M∗ = 0.01 – 100 M�), where the
numerical results are compared to the analytic expression from equation (46). The
red curve shows the relation calculated using the MESA code. The dashed line
corrresponds to the L∗ ∝M2

∗ relation resulting from constant central temperature
Tc = 106 K and constant photospheric temperature Teff = 3000 K. The power-law
approximation works reasonably well over the four decades in stellar mass and
(nearly) nine decades in stellar luminosity shown in the figure. For comparison,
the blue curve shows the much steeper mass-luminosity relationship applicable for
stars in our universe (note the smaller range in mass).

4.4. Varying the Nuclear Enhancement Factor

In order to gain a clearer picture of the effects of the enhancement factor X on
stellar evolution, this section considers a brief exploration of the possible parameter
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space. Specifically, we simulate stars with mass M∗ = 0.3 M� for a wide range of
the nuclear enhancement factors, X. Stars with this mass are sufficiently long-lived
to support complex life over a large range in X, while still being massive enough
to avoid the convergence issues associated with lower masses in MESA. Here we
consider stars with values of the enhancement factor X from 10−3 to 1018. For
X < 10−3, stellar evolution is dominated by the CNO cycle even for low-mass
stars with M∗ = 0.3 M�, so that further reduction of the enhancement factor has
negligible effect. For larger enhancements, X > 1018, significant nuclear burning
takes place during the pre-main-sequence phase, so that the star formation process
(accretion history) must be included in the MESA simulations.4

The evolution of M∗ = 0.3M� stars in the H-R diagram is depicted in Figure
11 over a range of 21 orders of magnitude in the nuclear enhancement factor X.
Since the stellar mass is held constant, each star descends the same pre-main-
sequence (Hayashi) track until it reaches the central temperature necessary to
initiate fusion for a given level of enhancement. The star then reaches the main
sequence. For clarity, we also plot the effective temperature T∗ as a function
of time for these objects in Figure 12. The photospheric temperature remains
nearly constant, with T∗ ∼ 3500 K, over the full range of enhancement factors,
although the lifetime decreases with increasing X. For stars with X ≤ 1, the
hydrogen burning temperature is high enough that 3He is burned into 4He at the
same time. For larger values of X ≥ 103, however, this latter reaction takes place
later in a separate phase of evolution, and the surface temperatures increase to
T∗ ∼ 7000−8000 K. Taken together, Figures 11 and 12 indicate that this blueward
excursion in the H-R diagram is associated with the transition from p-p fusion to
3He fusion. Keep in mind that the initial p-p -burning stage remains near the
Hayashi track, as we saw with the X = 1015 − 1018 cases above.

To further elucidate the evolution of these objects, Figure 13 shows the lumi-
nosity as a function of time, and Figure 14 shows the central temperature versus
time. These plots cleanly demonstrate the (nearly) logarithmic dependence of lu-
minosity, central temperature, and stellar lifetime on the enhancement factor. This
dependence is specific to the p-p burning stage, which corresponds to the extended
phase of evolution with constant luminosity and central temperature (for a given

4As mentioned above, in this application, we do not simulate the formation of stars,

but rather use MESA to construct pre-main-sequence models with arbitrarily large
radii and then let them evolve toward a hydrogen burning state. As a result, the
earliest stages of evolution do not necessarily reflect the true history of the star.
Nonetheless, the models rapidly converge (in time) towards physically realistic
states.
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Figure 11: Tracks in the H-R diagram for stars with M∗ = 0.3 M� and varying values
of the nuclear enhancement factor. The enhancement factor varies over the range X =
10−3 − 1018, as labeled. All of the stellar models show the same initial evolution as they
contract and move nearly vertically down the Hayashi track. Contraction halts when the
central temperature Tc reaches that required for nuclear burning, where the Tc decreases
(slowly) with increasing degrees of nuclear enhancement.
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Figure 12: Photospheric temperature T∗ as a function of time for stars with M∗ = 0.3M�
and varying values of the nuclear enhancement factor X (as labeled). All of the stars have
surface temperatures T∗ ∼ 3500 K during both their pre-main-sequence phase and on their
initial main sequence tracks, burning protons to diprotons and then 3He. For stars with
X ≥ 103, the 3He is not processed promptly into 4He, which is then produced later in
separate phase with larger photospheric temperature. For stars in our universe (and for
X < 1), 4He is produced promptly and the surface temperature remains low (black and
blue curves).
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X). In contrast, the later 3He-burning stage takes place through strong reactions,
and is therefore not significantly affected by the enhancement factor. This loga-
rithmic dependence further illustrates the robust nature of stellar evolution in the
face of changes in nuclear physics.

Figure 13: Stellar luminosity L∗ as a function of time for stars with M∗ = 0.3M� and
varying values of the nuclear enhancement factor (as labeled). The luminosity decreases
with time as the stars contract toward the main sequence, and then reaches a constant
value when nuclear burning begins. The luminosity level increases slowly with increasing
nuclear enhancement factor, X.

4.5. Degenerate Very Low-Mass Stars

One surprising result from our simulations is that nuclear burning still occurs
in very low-mass stars with masses M∗ ∼ 1− 10MJ , below the deuterium-burning
limit. These objects look significantly different from other low-mass stars. With
radii comparable to that of Jupiter, these objects begin their evolution on cooling
tracks similar to brown dwarfs and eventually attain surface temperatures far
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Figure 14: Central temperature Tc as a function of time for stars with M∗ = 0.3M�
and varying values of the nuclear enhancement factor (as labeled). The central temper-
ature increases with time until nuclear burning begins, where the ignitition temperature
decreases with increasing values of the nuclear enhancement factor, X. For stars in our
universe (black curve), the nuclear burning temperature is high enough that 3He is burned
into 4He during the (single) main sequence phase. For enhanced reaction rates, roughly
X > 103, the central temperature of the first phase is below that needed to burn 3He,
which is processed during a later phase when Tc abruptly increases to ∼ 107 K.
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below the Hayashi limit for non-degenerate objects. The smallest of these objects
have surface temperatures T∗ < 300 K, making them “frozen stars” where ice
crystals could form in their atmospheres. Moreover, the central temperatures of
these objects are Tc = 3 × 104 − 105 K, which is normally considered too low to
sustain nuclear burning, even with strong (or electromagnetic) reactions.

It is possible that such unusual results are due to shortcomings in the equa-
tion of state (or opacities) under the extreme conditions realized in these objects.
Nonetheless, a close inspection of the simulations reveals that these objects are
indeed physically plausible. An order of magnitude treatment of the conditions re-
quired for nuclear burning is carried out in Appendix C. These objects are partially
degenerate, so that their hydrostatic equilibrium is largely independent of nuclear
reactions. In the extreme limit, degeneracy can support the star against gravity,
while nuclear reactions take place in the background — at an attenuated rate —
provided that the nuclear enhancement factor (and hence the reaction cross sec-
tion) is large enough. The enormous densities associated with degenerate objects
lead to strong electron screening, which negates some of the Coulomb repulsion
and allows for nuclear reactions to occur at lower central temperatures. Nuclear
burning is often described as “switching on” at some specified temperature. Yet,
although the reaction rates are exponentially dependent on temperature, they are
always taking place at some low level. Non-degenerate objects cannot be supported
in such a regime, and must adjust to another stellar configuration. However, the
very low-mass objects considered here are largely supported without their nuclear
contribution, so that these objects can generate energy at anemic rates. With
their low central temperature, the associated nuclear burning rate is extremely
slow, such that the stellar lifetime is longer than 1014 years, despite the lower yield
of burning to 3He rather than 4He. With low luminosity and fixed radius, these
objects can thus maintain surface temperatures T∗ ∼300 K.

The strange properties of these hypothetical very low-mass stars stem from
them being partially degenerate, like brown dwarfs. Under these conditions, the
central region of the star (where nuclear burning occurs) does not need to reach a
pressure equilibrium to support the star against gravity, but is still able to reach
and maintain a thermal equilibrium. This latter condition is reached at a much
lower temperature (compared with that required for pressure equilibrium). After
∼ 109 yr, the nuclear burning luminosity dominates over heating from Kelvin-
Helmholtz contraction, and the “star” can function as a nuclear-burning entity.

Note that the possibility of this unusual stellar state is a result of strong-
burning nuclear reactions in general rather than the p(p, 2p)γ reaction in particular.
Intriguingly, this finding suggests that if Jupiter were made of pure deuterium in
our own universe, it could also reach a thermal equilibrium of nuclear burning. It
also suggests that similar very low-mass stars could occur in a “weakless” universe
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[25]. In previous work [26], we found that in some universes without a weak
interaction, stars will be composed mostly of deuterium and will produce energy via
strong reactions, but we did not explore stars smaller than the standard deuterium
burning limit. Nonetheless, very low-mass degenerate stars in such a universe could
operate by the same mechanism.

The minimum mass of these degenerate stars depends on the enhancement
factor, but appears to be significantly less than ∼ 1MJ . We were not able to
definitively determine this minimum mass from our simulations because of con-
vergence problems at low masses (primarily due to the equation of state for the
extreme conditions associated with these very low-mass stars). The smallest star
that we were able to successfully simulate had mass M∗ = 0.5 MJ . However, simu-
lations run with a range of enhancement factors suggest that the minimum stellar
mass lies in the neighborhood of M∗ = 0.25 MJ for X = 1015. For lower masses,
the nuclear burning luminosity never exceeds the Kelvin-Helmholtz luminosity,
and the object evolves as an ordinary sub-brown dwarf or giant planet.

5. Conclusion

This paper has considered stellar evolution in universes with stable diprotons.
In this scenario, nuclear reactions can take place in stellar cores through the strong
force, with reaction rates enhanced by factors X ∼ 1015 − 1018. Our main results
are summarized in Section 5.1, with a discussion of their implications presented in
Section 5.2.

5.1. Summary of Results

The most important result of this study is that stars continue to operate nor-
mally with large enhancements of their nuclear reaction cross sections, such as
those expected in universes with stable diprotons. The stellar luminosities, life-
times, and surface temperatures are roughly similar to those of stars in our uni-
verse. Although some differences arise, as described below, these stars do not
have catastrophically short lifetimes (as many previous papers have asserted, e.g.,
[7, 8, 9, 10, 11, 12, 13, 14, 15]). The longest-lived stars can sustain nuclear fusion
for trillions of years, about three orders of magnitude longer than the current age
of our universe.

Considerations of Big Bang Nucleosynthesis with bound diprotons (Section 2)
indicate that the abundances of protons, deuterium, and helium will be approxi-
mately the same as in standard BBN. The production of diprotons is suppressed
relative to deuterium because of the coulomb barrier, in spite of the enhanced
cross section. The diprotons that are produced will eventually be transmuted into
deuterium, thereby raising its abundance. Nonetheless, we expect Yd � Yp, so
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that the starting conditions for stellar evolution and nucleosynthesis are largely
unchanged (see also [21, 22]).

The main sequence for stars with stable diprotons can be separated into two
branches (Figure 2). The upper main sequence corresponds to stellar masses M∗ =
0.01 − 100M�. Compared to stars with standard nuclear reaction rates, these
stars are somewhat more luminous and have redder surfaces. As a result, the
main sequence for these objects is steeper than the standard one, with surface
temperatures spanning the narrower range Teff ∼ 2500− 5500 (see Figure 2). The
largest stars (with M∗ = 100M�) have approximately the same luminosity as those
in our universe, whereas lower mass stars have higher luminosity. As a result, the
luminosity range is compressed for the same span of stellar masses. However, this
trend is compensated for by the larger range in stellar mass that can sustain nuclear
burning. Over the upper main sequence, with masses M∗ = 0.01 − 100M�, the
overall range in stellar luminosity is roughly comparable to that of our universe,
i.e., L∗ ∼ 10−3 − 106L�. The solar-type stars, with somewhat cooler surfaces and
more luminosity than our Sun, have configurations roughly similar to those of red
giants in our universe. Note that this same set of stellar properties arises for stars
that are primarily composed of deuterium [26, 27], which has nuclear reaction rates
comparable to those of diprotons.

In addition to stars that are supported by the pressure resulting from their
internal nuclear reactions, the greatly enhanced reaction rates allow for a new type
of hybrid stellar configuration that corresponds to the lower “degenerate branch” of
the main sequence shown in Figure 2. Stellar objects with masses M∗ = 1− 10MJ

can be supported (in part) by degeneracy pressure, but still sustain nuclear reaction
rates high enough to produce quasi-stable surface temperatures T∗ ∼ 300 K. These
objects are like brown dwarfs in our universe in that they do not generate enough
power to be supported through thermal pressure. On the other hand, the residual
nuclear reactions are effective enough that that the bodies can maintain a nearly
constant luminosity over extended time scales (see Section 4.5 and Appendix C).

For masses comparable to the Sun, the lifetimes for stars with stable diprotons
are shorter than those burning hydrogen by about one order of magnitude (see
Figures 4 – 7). low-mass stars live much longer than larger stars, so that stars with
M∗ ≈ 0.3M� have main-sequence lifetimes comparable to solar-type stars with
standard nuclear reactions. Moreover, because of the much larger cross sections for
diproton reactions, stars in such universes can sustain nuclear reactions with much
smaller masses than in our universe, so that the upper main sequence extends down
to masses M∗ ≈ 0.01M�, with commensurately longer lifetimes. These results vary
logarithmically with the enhancement factor X (see Section 4.4 and Appendix D).

The range of stellar masses for the upper main sequence thus spans a factor of
∼ 104, with an additional decade in mass contributed by the lower main sequence,
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compared with a mass range of ∼ 103 in our universe. With a larger range in mass,
and a similar range in luminosity, the mass-luminosity relation over the upper main
sequence is less steep than that of our universe. To a good approximation, we find
L∗ ∝ M2

∗ (see Figure 10), and this result can be understood in terms of basic
stellar physics (see Section 4.3 and Appendix B).

With greatly enhanced reaction cross sections, the usual p-p chain of nuclear
reactions takes place in two stages. In the first stage, protons fuse into diprotons,
which capture electrons to become deuterium and then interact with protons to
become 3He. Because of the lower nuclear burning temperature for this process,
the fusion of 3He into alpha particles does not take place promptly, but rather
occurs later during the second stage. The smallest stars can sustain nuclear fusion
and produce 3He, but do not have enough mass to process the 3He into 4He
(which requires a higher central temperature). As a result, the longest-lived (non-
degenerate) stars in universes with stable diprotons have masses M∗ ≈ 0.025M�,
the minimum needed to produce 4He, and live for t ∼ 6000 Gyr. This lifetime
is comparable to that of the longest-lived stars in our universe (M∗ = 0.08M�
and t ∼ 104 Gyr) and much longer than the current cosmic age (∼ 14 Gyr). The
partially degenerate stars on the lower main sequence can sustain nuclear processes
even longer, up to t ∼ 105 Gyr.

5.2. Discussion

The main result of this paper is that stellar evolution is only modestly affected
by the greatly enhanced nuclear reaction cross sections expected in universes with
stable diprotons. In particular, the smallest such stars can still live for trillions
of years, far beyond the current age of the universe. Since this finding is in stark
contrast to many previous claims in the literature, it is useful to eludicate why
stars are so impervious to changes in the input nuclear physics.

First, note that stellar lifetimes do not vary inversely with the nuclear reaction
cross sections, but only logarithmically. The energy generation rate in the stellar
core must compensate for the energy lost from the stellar surface, but stars can
adjust their reaction rates by expanding or contracting. Since pressure is provided
by the ideal gas law, changes in stellar radius lead to corresponding changes in
the core temperature. The nuclear reaction rates are exponentially sensitive to
temperature, so that a small decrease in Tc can compensate for an enormous
increase in the cross section. Specifically, for enhancement factors in the range
X = 1015− 1018, the operating temperature of stars decreases from Tc ≈ 1.5× 107

K (the value for our Sun) down to about Tc ∼ 106 K. This modest change in
Tc lowers the nuclear reaction rate by a factor comparable to the enhancement
factor X of the cross section. The reason for the extreme sensitivity is that the
nuclear reactions take place via quantum mechanical tunneling, and the barriers
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are substantial. In the core of the Sun, for example, the typical proton separation
(24,000 fm) and the classical turning point (∼ 1000 fm) are both much larger
than the range of the strong force (∼ 10 fm). The protons thus have a formidable
barrier to tunnel through.

The characteristic temperature of Tc ∼ 106 K for stars with stable diprotons
is essentially equivalent to the well-known deuterium burning temperature [45].
This coincidence is not surprising, because the reaction cross section for deuterium
burning is larger than that for the standard p-p chain by a factor of ∼ 1018, and
deuterium reactions are the strong-force analog reactions used to estimate the
enhancement factors for diproton reactions.

In our universe, most stars experience a deuterium burning phase during their
early evolution. Stars are born with radii too large and central temperatures too
low to sustain hydrogen fusion.5 As a result, newly born stars are not powered by
nuclear reactions, but rather by gravitational contraction. During this pre-main-
sequence phase, the stellar radius decreases and the central temperature grows.
When the temperature becomes becomes high enough, Tc ∼ 106 K, deuterium
burning commences and delays further contraction. Because the deuterium abun-
dance is low, D/H ∼ 2 × 10−5, this phase only lasts for ∼ 105 years before the
deuterium fuel is exhausted in the stellar core. Some time later, 0.1 – 10 Myr de-
pending on the stellar mass, the core reaches the higher temperature (Tc ∼ 1.5×107

K) necessary for hydrogen burning. In universes with bound diprotons and en-
hanced nuclear cross sections, however, stars can burn through the bulk of their
fuel with central temperatures Tc ∼ 106 K. Since the nuclear fuel is more abundant
by a factor ∼ 105 (compared to the deuterium supply in our universe), solar type
stars can sustain nuclear fusion for billions of years.

In this consideration of universes with bound diprotons, we are assuming that
the strong force is somewhat stonger than in our universe (with an increase of
order ∼ 10%, [8, 9, 12, 13]). However, apart from the existence of the bound
state 2p and enormous enhancements of the cross sections (X = 1015 − 1018), we
are implicitly assuming that the rest of nuclear physics is largely unchanged. In
particular, the particle spins are the same as in our universe, and the ordering of
nuclear binding energies remains constant. These properties imply that nucleons
will cascade into larger nuclei as in our universe, with the progression

p −→ ( 2p → d ) −→ 3He −→ 4He . (47)

One expects the weak force to vary along with the strong force, but the modest

5This discussion applies only to stars with masses M∗
<∼ 7 M�. The largest stars,

corresponding to the most massive ∼ 1% of the stellar population, burn their deuterium
as they form.
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changes considered here will not affect stellar operations. If anything, the key
process of electron capture from equation (20) will be even more effective.

Although the expected small changes in binding energy do not affect the pro-
gression from protons to helium outlined above, the later stages of nuclear burning
in massive stars could be altered. In this regime, relatively small changes in binding
energies could lead to interesting systematic differences [33, 34]. As nuclei of ever
larger atomic number undergo nuclear burning, the time scales decrease (down to
minutes and even seconds), and the reaction networks become increasingly com-
plicated. As a result, the relative abundances of heavy elements (up to iron and
beyond) produced by massive stars could be somewhat different in universes with
stable diprotons. This issue is beyond the scope of this present paper and is left
for future work.

One should keep in mind that much larger changes to the strong force can
affect nuclear structure and the manner in which stars evolve. This issue is com-
plicated by the nature of the strong interaction, which is ultimately determined
through QCD, but can be described by an effective nuclear potential with an overall
strength, a length scale (range), and a repulsive core (e.g., see [46] and references
therein). Quantum statistics also plays an important role, especially for light nu-
clei, as bound states must be overall antisymmetric in spin and isospin. All of these
components to the potential will affect nuclear structure. As an extreme example,
if the strong force becomes much stronger, then nucleons become relativistic in
their bound nuclear states. In addition, the nuclei could transform to states of
quark matter, where free quarks provide the degrees of freedom instead of protons
and neutrons. The required variations to the strong force potential necessary to
instigate these changes has not been determined. Since nuclear binding energies
are of order 1 MeV per particle, and the QCD phase transition temperature is
∼ 200 MeV (and nucleon masses are ∼ 1 GeV), an increase in the strong force by
a factor of ∼ 100 could lead to vastly different nuclear structures. Even in this
case, the nuclei could remain as bound entities, and their role in atomic physics
would be essentially unchanged. However, the astrophysical processes that pro-
duce the nuclei, in BBN and stellar nulceosynthesis, could be quite different. (For
example, as noted in Section 4.4, if these changes result in enhancement factors
X >∼ 1018, nuclear burning would be able to occur during star formation.) These
issues should be explored in future work.

This study demonstrates that stars are much less sensitive to variations in the
fundamental parameters of physics and astrophysics than is often claimed. This
work shows that stars operate normally even with enormous enhancements (15 –
18 orders of magnitude) in their nuclear reaction cross sections, as expected in
universes with stable diprotons (see also [6, 20]). Previous work has shown that
stars can maintain stable nuclear burning configurations with the fine structure
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constant a factor of ∼ 100 larger or smaller, and with an even larger possible range
for the gravitational constant [18, 19]. Stars can also function in universes with
no weak interactions [26], stronger weak interactions [27], stable beryllium-8 [47],
over a large range of carbon-12 resonances [48, 49, 50, 51], and even in universes
without stable deuterium [52] (cf. [53]). Taken together, these findings indicate
that stars are not the limiting factor for universes to remain habitable.
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Appendix A. Additional Nuclear Reactions

The existence of bound states of two protons (2p) and/or two neutrons (2n)
requires the inclusion of new nuclear reactions. The possible reactions for light
elements are listed in Table A.2 and are organized into different categories. The
cross sections — and hence the reaction rates — for these new processes are ex-
pected to be comparable to those of analog reactions that exist in our universe
(also shown in the table). For the reactions that include diprotons, we can add a
neutron to one of the reactants on both sides of the equation and obtain an analog
reaction with a known/measured reaction rate. The diproton becomes 3He under
this procedure. Similarly, for reactions that involve the dineutron, we can add a
proton to both sides of the reaction to obtain an analog process. In this case,
the dineutron becomes tritium. We assume here that the analog reactions, which
have known cross sections, will provide order of magnitude estimates for the new
reactions. Note that the cross sections depend on the spin, charge, and mass of the
participating particles. As a result, the analog cross sections can be different from
the values for the new reactions by factors of order unity. For completeness we
note that for the analog reactions involving tritium (t), the reacting particles have
increased charges and hence different Gamow factors. At low energies, the ana-
log tritium reactions will thus be suppressed relative to the diproton/dineutron
reactions (although these reactions do not play an important role in the stellar
evolution calculations of this paper).
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Nuclear Reactions for Diprotons and Dineutrons

Reaction Type New Reaction Analog Reaction

Production p (p, γ) 2p d (p, γ) 3He
n (n, γ) 2n d (n, γ) t

Weak 2p (e−, νe) d
3He (e−, νe) t

2n (e+, ν̄e) d t (e+, ν̄e)
3He

Single Nucleon 2p (n, p) d 3He (n, d) d
2p (n, γ) 3He 3He (n, γ) 4He
2n (p, n) d t (p, n) 3He
2n (p, γ) t t (p, γ) 4He

Diproton + Dineutron 2p (2n, γ) 4He 3He (t, γ) 6Li
2p (2n, n) 3He 3He (t, d) 4He
2p (2n, p) t 3He (t, d) 4He
2p (2n, d) d 3He (t, t) 3He

Deuteron 2p (d, p) 3He 3He (d, p) 4He
2n (d, n) t t (d, n) 4He

A = 3 Targets t (2p, p) 4He 3He (t, d) 4He
t (2p, d) 3He 3He (t, t) 3He

3He (2n, n) 4He 3He (t, d) 4He
3He (2n, d) t 3He (t, t) 3He

Helium Targets 4He (2p, γ) 6Be 4He (3He, γ) 7Be
4He (2p, 3He) 3He 4He (3He, 3He) 4He
4He (2n, γ) 6He 4He (t, γ) 7Li
4He (2n, t) t 4He (t, t) 4He

Table A.2: Nuclear reactions involving diprotons and dineutrons. The reactions can be
grouped according to the type of particles involved as specified in the first column. New
reactions involving diprotons and dineutrons are listed in the second column. Analog
nuclear reactions that operate in our universe, and which are expected to have comparable
cross sections, are listed in third column.
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Appendix B. Photospheric Temperatures for Convective Stars

This Appendix shows that fully convective stars have nearly constant surface
temperature as a function of stellar mass. For the stars of interest, the enhanced
interaction cross sections lead to somewhat larger luminosities, and the convective
approximation provides a good model. These stars can be described by n = 3/2
polytropes, where the equation of state takes the form

P = Kρ5/3 . (B.1)

This equation of state can be rewritten in terms of temperature

P = C(kT )5/2 , (B.2)

where we have assumed that the ideal gas law holds. Since the star is a complete
polytrope, the constant C has the same value throughout the stellar interior, and
can be written in terms of the mass and radius [36], i.e.,

C = αG−3/2µ−5/2M
−1/2
∗ R

−3/2
∗ , (B.3)

where µ is the mean molecular weight of the gas. The dimensionless constant α is
independent of the mass and radius (M∗, R∗).

The pressure at the photosphere can be written in the form

P∗ =
2

3

g∗
κ∗

=
2

3κ∗

GM∗
R2

∗
, (B.4)

where κ∗ is the photospheric opacity. This expression follows from assuming hy-
drostatic equilibrium and using the fact that the optical depth τ = 2/3 at the
photosphere. We can combine the expressions (B.2) and (B.4) for the photospheric
pressure, along with the definition (B.3), to find

P∗ =
2

3κ∗

GM∗
R2

∗
= αG−3/2µ−5/2M

−1/2
∗ R

−3/2
∗ (kTeff)5/2 . (B.5)

After some rearrangement this expression becomes

(kTeff)5/2κ∗(Teff) =
2

3α
G5/2µ5/2M

3/2
∗ R

−1/2
∗ , (B.6)

which shows how the temperature dependent quantities scale with stellar mass,
radius, and composition. Now consider the standard case where the opacity at the
photosphere is extremely sensitive to the temperature. The opacity is generally
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dominated by interaction with H−, and this opacity has an approximate temper-
ature dependence of κ∗ ∼ T 9. If we use this power-law form for the opacity, we
obtain the scaling law

Teff ∝ µ5/23M
3/23
∗ R

−1/23
∗ . (B.7)

The weak dependence on the stellar parameters (M∗, R∗) thus shows that the
photospheric temperature is slowly varying across the main sequence, as long as
the star remains convective.

Starting from equation (B.7), we can derive two additional scaling relations.
First, we can use the surface boundary condition of equation (44) to eliminate
the dependence on the radius R∗ in favor of the luminosity L∗. This substitution
yields the expression

Teff ∝ µ5/21M
3/21
∗ L

−1/42
∗ . (B.8)

Alternatively, as a consistency check, we can use the fact that the mass-luminosity
relation has the form L∗ ∼ M2

∗ , which implies that R∗ ∼ M∗. Using this latter
result in equation (B.7), we find

Teff ∝ µ5/23M
2/23
∗ . (B.9)

Note that the exponents in all of the above scaling laws are small, so that
the photospheric temperature Teff is nearly constant across the range of stellar
masses. The surface temperature is not exactly constant, however, but instead
slowly varies with stellar mass. The main sequence spans four orders of magnitude
in mass, but the corresponding range in surface temperature according to equation
(B.9) is only a factor f ≈ 108/23 ≈ 2.2. This range in Teff agrees with that seen in
the H-R diagram (see Figure 2).

The above derivation is approximate. More complicated treatments [34, 36]
include the fact that the stellar photosphere is actually a thin radiative layer
that matches smoothly onto the convective interior just below the surface. Other
approximations for the opacity are also used, but as long as the opacity is a sensitive
function of temperature, the scaling exponents are small, so that Teff varies slowly
with stellar mass.

Appendix C. Degenerate Nuclear Burning Stars

The numerical simulations show that for sufficiently large enhancement factors,
stars with low masses in the approximate range M∗ = 1 – 10 MJ can sustain
nuclear fusion at highly attenuated rates. Unlike somewhat larger stars in the range
M∗ = 10 – 100 MJ , which are also operational, these very low-mass objects are
partially degenerate, with pressure contributions from both the ideal gas law and
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electrostatic forces, but nonetheless can generate power. This Appendix outlines
the physics of these unusual stars.

To a first approximation, the stars have constant radius as a function of mass
(for sufficiently small M∗ ≤ 10MJ). Fully degenerate stars would have the mass-

radius relation R∗ ∼ M
−1/3
∗ . The combination of thermal pressure for higher

masses and couloumb forces for lower masses conspire to produce R∗(M∗) ≈ con-
stant. We can model the interior structure — the density distribution — with a
function of the form

ρ(r) = ρcp(ξ) where ξ =
r

R∗
, (C.1)

and where ρc is the central density. It is conveninent to define dimensionless
integrals of the form

Ik ≡
∫ 1

0
pkξ2dξ . (C.2)

With these definitions, the stellar mass is given by the expression

M∗ = 4πR3
∗ρcI1 , (C.3)

where I1 is of order unity. The stellar luminosity arising from nuclear reactions
depends on the power generated per unit volume ε, i.e., the luminosity density.
For a given nuclear reaction, this quantity can be written in the form

ε(r) = Γρ2Φ2 exp[−Φ] , (C.4)

where the composite variable Φ is defined by equation (28). For proton-proton
fusion under typical stellar conditions, the constant Γ0 ≈ 2200 cm5 s−3 g−1. In
general, with enhanced cross sections for nuclear burning, we write the factor in
the form Γ = XΓ0, where X is the enhancement factor.

For these partially degenerate stars, radiative transport through the stellar
interior is efficient. As a result, most of the stellar volume attains a single temper-
ature, denoted here as Tc. In the absence of electron screening (considered below),
the total luminosity is given by the expression

L∗ = Γ4πR3
∗ρ

2
cΦ

2 exp[−Φ]I2 , (C.5)

where the dimensionless integral I2 is defined through equation (C.2). If we com-
bine the above results, this baseline luminosity can be written in the form

L∗ = XΓ0
M2

∗
4πR3

∗

I2

I2
1

Φ2 exp[−Φ] , (C.6)
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which can be evaluated to obtain

L∗ ≈ (3L�)X

(
M∗
MJ

)2(R∗
RJ

)−3

Φ2 exp[−Φ] . (C.7)

At the high density and relatively low temperatures of degenerate stellar inte-
riors, electron screening can be important. Following classic treatments [54, 55],
we define a screening parameter

Λ = (4πne)
1/2

(
e2

kT

)3/2

. (C.8)

Because of the screening effect, the Coulomb suppression of nuclear reactions is
smaller, so that the reactions rates are enhanced. The enhancement factor can be
written in the form

f = exp[h(Λ)] , (C.9)

where calculation of the function h is complicated. In the regime of strong screen-
ing, which is applicable to the degenerate low-mass stars of interest, the screening
funciton can be fit with the simple form

h = 0.836Λ2/3 − 0.19 . (C.10)

The enhancement factor competes with the Coulomb repulsion term and allows
nuclear reactions to take place at lower temperatures. The combination of these
two effects takes the form

Φ2 exp[−Φ]f = Φ2 exp[−Φ + h(Λ)] (C.11)

= 7.44

(
EG
4kT

)2/3

exp

[
0.836 (4πne)

1/3

(
e2

kT

)
− 3

(
EG
4kT

)1/3
]
.

The star reaches a long-term steady-state configuration when the luminosity
generated by nuclear fusion can compensate for the energy lost by cooling. As
noted previously, these objects have a nearly degenerate configuration with efficient
energy transport, so that most of the stellar volume reaches a single temperature
Tc. The luminosity due to cooling in a degenerate stellar object can be written in
the from

Lcool ∼MaT bc , (C.12)

where the power-law indices (a, b) have been estimated to be (1,7/2) for white
dwarfs [36] and (6/5,9/2) for brown dwarfs [56]. For definiteness, we consider
indices (1,4) in the following discussion.
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If we set the cooling rate (cooling luminosity) equal to the luminosity generated
by nuclear reactions, the required value of Φ and hence the operating temperature
of the star are determined. The value is the given by the solution to an equation
of the form

(M∗/MJ)XΦ14 exp[−Φ + h(Λ)] = C . (C.13)

The required value of Φ thus depends only logarithmically on the stellar mass
M∗ and the nuclear enhancement factor X. As a result, the central temperature
Tc varies slowly with mass. If ones uses the screening factor derived above in
conjunction with the luminosity given by equation (C.7), the central temperature
Tc ∼ 105 K leads to the stellar luminosities indicated by the MESA simulations
for enhancement factor X = 1015. This central temperature is about an order of
magnitude lower than that associated with thermonuclear fusion (e.g, deuterium
burning at Tc ≈ 106 K) and is roughly consistent with the stellar evolution simu-
lations (see Figure 6). Nonetheless, we lack a definitive calculation of the cooling
rates, and the luminosity is exponentially sensitive to the temperature Tc, so this
agreement is approximate.

Finally, since these nearly degenerate stars have nearly constant radius, the
form of the lower main sequence in the H-R diagram can be readily understood.
Using R∗ = constant in conjunction with the outer boundary condition from equa-
tion (44), the stellar luminosity and surface temperature obey the relation L∗ ∼ T 4

∗ .
This expresion agrees with the slope of the lower main sequence shown in the H-R
diagram in Figure 2.

Appendix D. Stellar Lifetimes versus Enhancement Factor

The stellar evolution simulations in the main text indicate that enhanced cross
sections for nuclear reactions result in shorter stellar lifetimes for a given stellar
mass, but the range of allowed stellar masses becomes larger. Since the stars
with the lowest mass live the longest, these two effects compete. This Appendix
considers the balance between these two behaviors. In the limiting case where
all stars have access to one and only one nuclear burning reaction, the extension
of the mass range dominates, and the stellar lifetime would increase (slowly) with
enhancement factor. In more realistic scenarios, however, the smallest stars cannot
burn 3He (into 4He) so that their lifetimes are somewhat shorter. As a result,
the lifetime of the longest-lived star is always of order trillions of years, nearly
independent of the enhancement factor, for the ranges of X relevant to this paper.

In order to show this dependence on the enhancement factor, we can use the
semi-analytic stellar structure model developed earlier [18, 19, 6]. The minimum
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stellar mass can be written in the form

M∗min = 6(3π)1/2

(
4

5

)3/4(kTnuc

mec2

)3/4

α
−3/2
G mp , (D.1)

where Tnuc is the temperature required for nuclear reactions to take place in the
stellar core. In the context of this semi-analytic model, the nuclear burning tem-
perature of the star with the minimum mass is given by the solution to an equation
of the form

ΦI(Φ) =
A

X
, (D.2)

where the quantity Φ determines the temperature as defined through equation
(28), X is the enhancement factor, and I(Φ) is an integral function of the variable
Φ [18, 19]. For our universe, the constant A is given (approximately) by

A = NT

(
~3

c2

)(
1

mpm3
e

)(
G

κ0C

)
, (D.3)

where NT is a dimensionless constant, κ0 is a fiducial value of the stellar opacity,
and C sets the nuclear reaction rate. Using the same stellar model, the stellar
lifetime has the form

t∗ = N∗~3c4κ0ΦM−2
∗ (Gmp)−4 ∝ Φ11/2 , (D.4)

where N∗ is another dimensionless constant. As the enhancement factor X in-
creases, the required value of Φ from equation (D.2) increases, which corresponds
to decreasing values of the nuclear burning temperature. As a result, the stellar
lifetime of the minimum mass star is predicted to increase as the enhancement
factor X grows larger.

However, the dependence of the lifetime t∗(X) on the enhancement factor is
logarithmic: The integral function in equation (D.2) can be fit with the approxi-
mate form so that the expression becomes

Φ2.3 exp[−Φ] =
Af
X

. (D.5)

To leading order, we find that Φ ∼ Φ0 + lnX, where Φ0 ≈ 38 is the value for the
smallest stars in our universe (see [35] and Section 3.1). As a result, the nuclear
burning temperature is a slowly decreasing function of the enhancement factor X,
and the stellar lifetime scales according to t∗ ∼ (Φ0 + lnX)11/2.

It is important to keep in mind that the semi-analytic model used here does
not take into account several complications. First, it assumes only a single nuclear
burning species. As found in this paper, however, the lowest mass stars, with
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large enhancement factors X, can burn their protons into 3He, but are not massive
enough for the core to produce 4He. The lower energy yield (for 3He versus 4He)
leads to a lower efficiency of energy conversion and a somewhat shorter lifetime.
This correction largely compensates for the logarithmic increase, thereby leading
to maximum stellar lifetimes that are roughly constant with X. Significantly,
however, these maximum stellar lifetimes are still measured in trillions of years.
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