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ABSTRACT

Most stars are born in the crowded environments of gradually forming star clusters. Dynamical interactions between close-passing
stars and the evolving ultraviolet radiation fields from proximate massive stars are expected to sculpt the protoplanetary discs
(PPDs) in these clusters, potentially contributing to the diversity of planetary systems that we observe. Here, we investigate the
impact of cluster environment on disc demographics by implementing simple PPD evolution models within N-body simulations
of gradual star cluster formation, containing 50 per cent primordial binaries. We consider a range of star formation efficiency
per free-fall time, €, and mass surface density of the natal cloud environment, X jou4, both of which affect the overall duration
of cluster formation. We track the interaction history of all stars to estimate the dynamical truncation of the discs around stars
involved in close encounters. We also track external photoevaporation of the discs due to the ionizing radiation field of the
nearby high- and intermediate-mass (> 5 M) stars. We find that €5, Xcjouq, and the presence of primordial binaries have major
influences on the masses and radii of the disc population. In particular, external photoevaporation has a greater impact than

dynamical interactions in determining the fate of discs in our clusters.
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1 INTRODUCTION

Protoplanetary discs (PPDs) are a natural outcome of the process
of star formation, forming an important link between early-stage,
protostellar accretion discs and planetary systems (Williams & Cieza
2011; Andrews 2020). Itis widely accepted that most stars are formed
together in groups of a wide range of sizes and scales (Lada &
Lada 2003; Gutermuth et al. 2009). This means the star formation
environment has the potential to shape PPDs around these stars from
an early stage. Therefore, while the evolution of isolated discs has
been extensively studied, it is also important to study PPD evolution
within the context of a forming star cluster.

For this, we have to consider important mechanisms that can affect
discs in the dynamic environment of ongoing star formation. First
of all, circumstellar discs around stars with close binary partners
have been observed to have smaller disc masses and disc radii than
those in wide binaries (Offner et al. 2022; Zurlo et al. 2023). One
way this could occur is if stars are born with binary partners or
in a multiple system, these companions can truncate discs around
each other during their formation, which we refer to as primordial
binary truncations. Similarly, as more stars that will form the future
cluster are born, there could be dynamical interactions between them,
potentially leading to disc truncations. Vincke & Pfalzner (2016)
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showed simulated discs are smaller in dense clustered environments
having more dynamical encounters. We refer to disc truncations
during dynamical encounters as dynamical truncations. Moreover, if
massive stars form in the cluster, they will emit ultraviolet (UV)
photons that ionize and disperse the parent star-forming cloud,
exposing the nearby PPDs to the radiation field of the star cluster. The
external irradiation will ionize and heat the surface of the discs and
drive mass-loss through winds, leading to external photoevaporation
and systems that appear as ‘proplyds’ (e.g. Johnstone, Hollenbach
& Bally 1998). In this work, we will refer to disc truncations due to
external photoevaporation as radiative truncations. Finally, various
processes local to a host star and its disc are expected to lead
to gradual dissipation of the disc, including viscous accretion and
internal photoevaporation (e.g. Gorti & Hollenbach 2009).

It is important to note that even within the same star cluster,
different disc truncation mechanisms may have a dominant influence
on disc evolution at different times of the star cluster formation.
While the cluster is still embedded in the parent gas cloud, the
discs are protected from radiation by surrounding gas whereas close
encounters are more common. After expansion and dissolution of the
cluster, rates of stellar interactions are reduced, but discs may be more
exposed to external radiation due to removal of gas. Furthermore, the
initial conditions for the formation of each cluster, such as stellar
density, velocity dispersion and number of nearby massive stars
could shape the fate of discs in the cluster. The question of which
evolutionary processes dominate at different times and environmental

© 2024 The Author(s).

Published by Oxford University Press on behalf of Royal Astronomical Society. This is an Open Access article distributed under the terms of the Creative
Commons Attribution License (https://creativecommons.org/licenses/by/4.0/), which permits unrestricted reuse, distribution, and reproduction in any medium,

provided the original work is properly cited.

Gz0z Aeniga4 €0 uo 1senb Aq G181 1.62/862/1/9ES/201E/seIuW/WOoo dno olwapede//:sdiy Woll papeojumo(]


http://orcid.org/0000-0002-4725-7589
http://orcid.org/0000-0002-5851-2602
mailto:gravitas908@gmail.com
https://creativecommons.org/licenses/by/4.0/

conditions has therefore become a field of active research (see e.g.
review by Reiter & Parker 2022).

In the context of dynamical truncations, Pfalzner et al. (2005)
performed the first detailed parameter study of effects of star-disc
encounters on low-mass discs. Investigating the change in disc sizes
and mass and angular momentum loss during the encounters, they
found that for the strongest impact on discs, the perturber should
be massive with respect to the host, and the encounter should be at
a small periastron distance, coplanar, and parabolic. This is to be
expected because a large mass ratio (perturber/host) encounter at a
close distance leads to larger angular momentum loss. Similarly, a
coplanar parabolic encounter maximizes the interaction time. Cuello,
Ménard & Price (2022) reviewed both numerical simulations and
observations related to the effect of stellar encounters on planet-
forming discs. Recently, Pfalzner & Govind (2021) performed N-
body simulations to study the frequency of close flybys in young star
clusters.

Similarly, disc dispersal through radiative truncations in star clus-
ters has been extensively studied. Armitage (2000) first studied the
influence of clustered star formation environments on disc lifetimes
by modelling the effects of extreme UV (EUV) radiation fields due
to massive stars, finding that efficient disc dispersal by EUV-driven
external photoevaporation could suppress giant planet formation via
the gas accretion route. Similarly, Qiao et al. (2022) investigated
the evolution of discs in Carina-like massive star-forming regions
focusing on the effects of external photoevaporation. In order to
calculate the far-UV field strengths responsible for external photoe-
vaporation of discs, they considered both geometric dilution (inverse-
square) of radiation, and Monte Carlo radiative transfer to account for
shielding of the radiation by the star-forming gas. Radiation shielding
of discs has been proposed as an explanation for the discovery of
two distinct disc populations in the NGC 2024 region (van Terwisga
et al. 2020). In this region, discs embedded in the dense natal gas
in the eastern side are more massive than discs in the western side
which are readily exposed to the massive star. The impact of such
radiation shielding provided by the gas to PPDs in an embedded
cluster was also studied recently by Wilhelm et al. (2023), who
coupled magnetohydrodynamic simulations of star cluster formation
with disc evolutionary models. Recently, Coleman & Haworth (2022)
identified different evolutionary pathways for PPDs under both inter-
nal photoevaporation and external photoevaporation. When internal
photoevaporation dominates, the discs deplete inside-out whereas
discs deplete from outside-in under stronger influence of external
photoevaporation. In the parameter space of X-ray luminosity of
central star and external photoevaporative mass-loss rate, they also
found a more complex evolution in the intermediate regime where
both mechanisms are equally dominant.

Previous works have attempted in different ways to include the
effects of some (or all) of these processes on circumstellar or PPDs
in star clusters. With a statistical Monte Carlo approach, Winter
et al. (2018) studied the role of stellar densities in determining
which of external photoevaporation and dynamical encounters would
be more dominant in a star cluster. Concha-Ramirez, Wilhelm &
Portegies Zwart (2023) simulated the evolution of circumstellar discs
in young star clusters in the presence of external photoevaporation
and dynamical encounters. Similarly, Marchington & Parker (2022)
studied the evolution of disc masses and disc radii in star-forming
regions with a post-processing analysis of N-body simulations,
including external photoevaporation and viscous evolution.

However, it remains a challenge to model all of these processes
in full detail in an on-the-fly simulation of ongoing formation of
a star cluster while fully resolving stellar dynamics and binaries.
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Most of the previous works either assume that the stars are formed
at once, or have to post-process star cluster formation simulations.
In our approach, we follow the evolution of discs as their host stars
are formed and orbit in an ongoing N-body star cluster formation
simulation, where 50 per cent stars are formed in primordial binaries.
We couple semi-analytical models of disc evolution to each star in
the simulation and track the evolution of disc mass and disc radii.

The paper is structured as follows: we review our models of gradual
star cluster formation in Section 2.1. Then, we discuss the disc
models in Section 2.2 followed by the implementation of dynamical
truncations and external photoevaporation in Sections 2.3 and 2.4,
respectively. In Section 3, we present how disc masses and radii are
affected by formation time-scales of the cluster and compare our
simulated disc demographics with observations of discs in the Orion
and G286 star-forming regions. We discuss the main findings and
caveats of our modelling in the discussion Section 4.

2 METHODS

In this paper, we aim to study the effect of different mechanisms
that can truncate PPDs during the star cluster formation process. We
have implemented simple semi-analytical models of PPD evolution
inside N-body models of gradual star cluster formation. Disc models
evolve together with the trajectory of each star, allowing us to resolve
each stellar encounter with full time resolution. We describe both the
star cluster formation simulations and coupled PPD models in the
following sub-sections.

2.1 Star cluster formation simulations

We simulated PPD evolution within star cluster formation models
developed by Farias, Tan & Chatterjee (2017, 2019), and Farias &
Tan (2023). These consist of a suite of N-body simulations focused
on accurately following stellar dynamics in the early stages of star
cluster formation, i.e. where there is still ongoing formation of stars.
These models are based on the Turbulent Clump Model (TCM;
McKee & Tan 2003), where star clusters are formed inside magne-
tized, turbulent, gravitationally bound, and initially starless clumps
within giant molecular clouds. Farias et al. (2017, hereafter Paper I)
presented the extreme case of instantaneous star cluster formation,
where all stars are formed together at once. The total fraction of gas
mass converted into stellar mass is defined as the global star formation
efficiency (¢), with the remaining gas assumed to leave the system
instantaneously. Farias et al. (2019, hereafter Paper II) presented a
more realistic case of star cluster formation, where stars are formed
gradually and a corresponding amount of natal gas is expelled gradu-
ally. The gradual formation of stars in these models is parameterized
by the star formation efficiency per free-fall time (eg), which is
defined to be the mass fraction of a gas cloud that turns into stars in
each free-fall time (Krumholz & McKee 2005). We implemented our
models of PPD evolution within these N-body models outlined in
Paper II.

In these pure N-body models, we emulate the parent cloud gas
using an analytical potential that follows the structure from the TCM
model. In the TCM model, the star cluster is formed inside a turbulent
gas clump of mass M. embedded in the surrounding molecular
cloud. The parent cloud has a mass surface density X, Which
sets the bounding pressure of the clump — a clump in a higher X jouq
environment will be subject to higher pressure and thus be smaller
and more dense. The characteristic radius of the clump (R.) in a
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Table 1. Overview of star cluster formation simulations.

Set name €ff Zeloud Mo (Ny) Iy 1,0 R o5
(gem™?) (Mg) (Myr) (Myr) (pc) (kms~h

0.01 0.1 3000 4% 103 19.40 0.39 1.15 1.71
0.03 0.1 3000 4 x 103 6.47 0.39 1.15 1.71

M3000L 0.1 0.1 3000 4 %103 1.94 0.39 1.15 1.71
0.3 0.1 3000 4 x 103 0.65 0.39 1.15 1.71
1.0 0.1 3000 4% 103 0.19 0.39 1.15 1.71
00 0.1 3000 4 x 10° 0.00 0.39 1.15 1.71
0.01 1.0 3000 4 x 103 3.45 0.069 0.365 3.04
0.03 1.0 3000 4% 103 1.15 0.069 0.365 3.04

M3000H 0.1 1.0 3000 4 x 103 0.35 0.069 0.365 3.04
0.3 1.0 3000 4% 103 0.12 0.069 0.365 3.04
1.0 1.0 3000 4 x 10° 0.03 0.069 0.365 3.04
o0 1.0 3000 4% 103 0.00 0.069 0.365 3.04

Notes. First column is the name of the set. Second column is the star formation efficiency per freefall time (ef) ) for the set. Third column is the mass surface
density of the parent cloud (Z¢joud)- Column 4 is the mass of the gas clump (M)). Fifth column is the number of stars formed, on average, in the model. Columns
6 and 7 are the star formation time and initial free-fall time of the clump, respectively. Column 8 is the radius of the gas clump (R.j). Column 9 is the velocity

dispersion at the surface of the clump.

Ycloud €NVironment is

Mcl 12 z:cloud iz
~) b . M
3000 Mg lgcem

The clump is modelled as a polytropic sphere of gas with a three-
dimensional density profile of the form:

7k)0
pa(r) = peat (Ril) . @)

The density thus varies radially within the clump and is defined
within the clump radius R.;. Here, p;  is the density of clump at its
edge (r = Ry). Itis given by

Ry = 0.365 (

(3 —kp)Mq
=—" 3
Ps,cl 47'[R31 ( )
Similarly, the velocity dispersion profile of the clump is given by
, o\ @ ko2
Ucl(r) = 0Oy <R7C]> ’ (4)

where oy is the velocity dispersion at the surface of the clump, given
M, cl Ecloud

by
1/4 1/4
T _Zclowd )yl (5)
3000 Mg 1gem—2

We set the exponent k, = 1.5 following Paper II.
The time taken for the star cluster to form inside the clump is given
by

0, = 3.04 (

€
o= —tgo (6)
€ff

where # ¢ is the initial global freefall time-scale of the clump given
by
1/4
M, cl / Ecloud

3000 Mg I gem—2
in the TCM model (Equation 9, Paper II). From equation (6), we see
that the star cluster formation time (t, ) is shorter for increasing values
of e with the limiting case of instantaneous formation represented by
e = 00. Moreover, for the same value of e, ?, is shorter for higher
cioud, because the freefall time-scale f o is shorter in higher ¥¢jouq

environments. As stars are gradually introduced, the background gas
mass dissipates linearly matching the global € and €.

=y
g0 = 0.069 ( > Myr s 7)
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For our simulations, we fix M. to 3000 Mg and € to 0.5. We
consider star clusters formed from clumps in two different cloud en-
vironments: M3000L set formed from clumps in lower mass surface
density clouds (X¢joua = 0.1 g cm™2), and M3000H set formed from
clumps in higher mass surface density clouds (Z¢joua = 1.0 g cm™2).
For each X4.q, We consider six values for €g: 0.01, 0.03, 0.10, 0.30,
1.00, and oo. Table 1 shows the full set of cluster parameters (e
and X jo,q) modelled in this work. For each row of Table 1 we have
run five realizations, each realization with an initial mass function
(IMF) sampling (Kroupa 2001) and 50 per cent primordial binary
population as described in Farias & Tan (2023). For M. = 3000 Mg
and € = 0.5, we form 1500 Mg, in stellar mass. The number of
stars formed in a realization varies because of the random sampling
of the IMF, so the average number of stars (and thus the average
stellar mass) also differs slightly across models. However, on average,
our models form around (N,) ~ 4 x 10° stars in a realization. The
resulting average stellar mass in our models is 0.375 Mg.

2.2 Disc model

We assign a PPD to every star in the star cluster at its formation,
with the disc mass being 10 per cent of host star mass. We assign
an individual disc to each member of a primordial binary — however,
we do not consider circumbinary discs. We define current age of an
individual disc as t,g. = t — t;, where ¢ is the global simulation time
and #; is the time of formation of the host star. Then, the disc mass
when ;5. = 0 is given by

Mgisc = O-lmstars (8)

where mg,, is the mass of the host star at its formation. We assume
that the mass of each disc is distributed radially following a power-
law surface density profile of the form:

r -Pr
X(r)= 2o (6) 3Fin <7 = Tout, &)

truncated at an inner radius rj, = 0.01 au and outer radius ry, =
100 au. We use the same rj, and r,, for all discs, and set the
scale radius ry to 1au. The value of the constant exponent p is
rather uncertain in observations while previous theoretical works
also assume different values (see e.g. Steinhausen, Olczak & Pfalzner
2012) ranging from p = 0.75 to 1.5. For our disc models, we have
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to opted to use the value p = 0.8. Finally, ¥, is a normalization
constant set at formation by the initial disc mass and for p # 2, it is
given by

—1
2— isc ou 2-p in 2-p
5, = 27 PMmase | (Tou L (I O 0)
2mr2 70 Fout

We evolve discs using an exponential decay of mass with a
characteristic lifetime tgc = 2Myr, while keeping their radius
unchanged. The surface density at disc age #,g. is given by

r -r _ lfage
X(r, tage) = 2o (—) e Tisc, (11)
To

Finally, the current mass of the disc having outer radius roy at f,g is
given by

Fout

21 r
mdisc(rouls tage) = ﬂ (r, tage) T
- 0
.\ 2P
W1 ( Tin ) . (12)
Tout

2.3 Dynamical truncations

We model the effect of stellar encounters as an additional source of
mass-loss via dynamical truncations of the discs. Stars will perturb
discs during stellar encounters leading to dynamical truncations of
discs. In general, considering the encounter of the disc-bearing star
of mass mpqq With a perturbing star m . at a periastron distance dperi,
a disc particle around the host star could be assumed to be stable up
to the Hill radius (ryj;) of the host star (Hamilton & Burns 1991)
given by

Mpost 13
Thill = dperi . (13)

3mperl

However, Breslau et al. (2014) studied the effect of stellar
encounters on the sizes of PPDs by simulating prograde, coplanar,
and parabolic encounters over a range of mass ratios and periastron
distances observed in typical clusters. They obtained that the result-
ing truncation radius can be expressed as a function of the mass ratio
and periastron distance between the host star and perturbing star as

Mhost 032
Toew = 0.28 X dperi ( ) , (14)
Mypert

which is approximately 40 per cent of the Hill radius calculated for
the same encounter from equation (13). Equation (14) is averaged
over all inclinations of stellar encounters, so we do not consider
the orientation of the discs during the stellar encounters. In short,
we use the Breslau et al. (2014) criterion for calculating dynamical
truncations of discs in our simulations.

For the initial unperturbed disc, the disc size is the outer disc
radius ro,. However, after each stellar encounter, we update 7oy to
the new truncation radius 7peyw if 7new < Four. In this case, we remove
the disc material beyond ry, entirely from the simulation —we do
not consider accretion of the lost disc material onto either the host or
perturbing star.

Finally, in addition to dynamical truncations during stellar en-
counters, discs formed around stars in binaries could be subject to
perturbations from binary partners during and after formation of disc,
leading to truncations. We refer to this contribution to mass-loss as
primordial binary truncations. For this, we calculate the truncation
radii given by equation (14), assuming the binary partner as the
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perturber. Therefore, both stars perturb discs around their partner,
potentially leading to truncation to smaller disc radii and disc masses
at formation itself.

2.4 Radiative truncations

We model the external photoevaporation of PPDs due to ionizing
radiation fields in the star cluster. At the location of each disc, we
calculate the contribution of each massive star (my, > 5Mg) to the
EUV radiation field. These EUV radiation fields drive photoevapo-
rative mass-loss in the outer regions of the disc. However, discs may
be shielded from the effects of EUV radiation by the background gas
present during the formation of the cluster. Therefore, we model the
shielding of discs by considering Stromgren spheres around each of
the massive stars. A Stromgren sphere is a steady-state idealization
of an fully ionized H1I region around a hot, luminous star, where
the photoionization is balanced by hydrogen recombination (e.g.
Draine 2010). We assume that the disc will be subject to the ionizing
radiation of the massive star only if it is within the Strdmgren sphere
of the star. The radius of Stromgren sphere around a massive star is
given by

R (3 P )"
> 7 \4n (o

=9.77 x 10"8(®y9)'? x ny " x T2 cm, (15)

where @49 = Py, /10¥s7!, Ty = T/10*K, ny = ny/10*°cm™3, and
ap is the thermal rate coefficient for hydrogen recombination. We
obtain EUV luminosities ®g,, as a function of stellar mass mig,
from Armitage (2000). We calculate the hydrogen number density
(ny) from the gas density within the half-mass radius of the cluster.

In addition, we assume that the ionizing radiation is attenuated with

. . A
distance d from the massive star by a factor (1 - %) inside the H11
S

region.

Then, for a disc of radius rg;. at a distance d < Rg from a massive
star, the photoevaporative mass-loss is given by (Hollenbach, Yorke
& Johnstone 2000):

1/2

(1- %) o .
. _ R3 star Taise ) 3/
SETPITRY R Py R
MUy % 10951 10au
d \' B
X (m) M@yr 1. (]6)

We sum up the mass-loss due to every massive star. We implement
this mass-loss due to external photoevaporation as a truncation of
the disc up to the radius that encloses the new mass obtained by
subtracting the calculated mass-loss during the timestep. We note
that there is a critical gravitational radius (r, ), where the sound speed
of the ionized gas (cs) is equal to the orbital velocity. The dust and
gas atr < ry are bound to the host star. The photoevaporative mass-
loss occurs only at radii r > r,. The gravitational radius for a disc
around host star of mass m,, is given by (Armitage 2020)

G star star S -
re= gy (D) (S )y, 17)
c? Mg 10kms

S

where ¢, = 10kms™!. The disc evaporates from outside-in up to
re. Once the disc becomes smaller than the radius ry, external
photoevaporation gets stopped for this particular disc.
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Figure 1. The evolution of mean disc mass, (mdis.), top row and mean disc radius, (rgisc), bottom row for the simulated clusters in M3000L set (Z¢joud =
0.1g em™2; left column) and M3000H set (Zeiouq = 1.0 g cm~2; right column). The different e models are represented by the colour scheme (purple: 0.01,
blue: 0.03, cyan: 0.10, green: 0.30, orange: 1.00 and red: 0o0). This colour scheme is followed consistently throughout this work.

2.5 Implementation

In our fiducial simulation, we introduce discs at the time of formation
of their host stars: we assign each disc a mass equal to 10 per cent of
host star mass and a size of 100 au. If the host star has a binary partner,
we check if the disc should be truncated. If the criterion is satisfied,
we truncate the disc to a smaller disc mass and disc radius before the
next time-step. After their formation, the discs undergo an exponen-
tial decay (tgiic = 2 Myr) every time step. At every time step, we also
check for possible dynamical truncations of the disc by nearby stars.
In addition, we calculate the expected mass-loss due to the radiation
at the location of the disc. We find the new disc radius taking both
dynamical and radiative truncations into account. Then, we update
the mass and radius of the discs before starting the next time step. We
implemented the above treatment of discs within a modified version
of Nbody6++ (Aarseth 2003; Wang et al. 2015) developed to model
gradual star cluster formation (Nbody6SF, Paper II).

3 RESULTS

3.1 Evolution of the mean disc properties

The evolution of mean disc mass, (mg;s.), and mean disc radius,
(rgisc), in the simulated clusters over a period of 10 Myr are

MNRAS 536, 298-313 (2025)

shown in the top and bottom rows, respectively, in Fig. 1. The
left column shows the case of clusters formed from clumps in
the low mass surface density cloud environment (set M3000L),
while the right column shows the high mass surface density cloud
environment case (set M300OH). The full set of models is shown in
Fig. 2.

We see from the bottom row of Fig. 1, that the primordial binaries
strongly influence the initial mean disc radius. We have 50 per cent
primordial binaries in the simulations. For discs present around stars
in binaries, the gravitational influence of the binary partner truncates
the disc at the radius given by equation (14). Therefore, the mean
disc radius starts around 55 au, instead of the unperturbed size of
100 au for single discs.

From the top row of Fig. 1, we observe that the mean disc mass
starts at around 0.02 Mg at + = 0 Myr. While the star formation
process is still ongoing, the mean disc mass fluctuates due to
formation of new discs in the cluster, but it gradually decreases
with time in all the models. The remaining mean disc mass at ¢
= 10 Myr for both M3000L and M3000H sets is around 107° M.
Starting from the time of formation of the discs, exponential decay,
dynamical truncations, and external photoevaporation contribute to
this disc mass-loss. We examine the relative contribution of these
mechanisms in Section 3.3.
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Figure 2. The evolution of mean disc mass and mean disc radius for the full set of models discussed in Section 3.1. The grey curves show the five runs for each
model and the solid coloured curves show the average of the mean disc masses (columns 1-2) and mean disc radius (columns 3—4) calculated from the runs.

We notice that there is a significant drop in mean disc mass and
mean disc radius once star formation is complete in the cluster.
The mean disc mass and mean disc radii drop much faster from
this moment because once all stars are formed, the background
gas is dissipated away. This turns off the shielding of discs from
the radiation fields in the cluster and leads to efficient external
photoevaporation.

We also study the evolution of mean disc properties as a function
of the individual disc age, #4isc. Fig. 3 shows the mean disc mass (top
row) and mean disc radius (bottom row) as a function of the disc age.

The dashed line shows the evolution of disc mass under exponential
decay for an isolated disc. As expected, disc mass drops faster under
the influence of cluster environment compared to the exponential
decay line. We observe that there is a trend of decreasing disc mass
and disc radius at the same disc age, when we move to higher €
models. Similarly, at the same disc age, the disc mass and disc radii
are smaller for the M300OH set compared to the M300OL set. These
trends are expected since higher e and higher X j,uq generally lead
to higher number densities of stars at early times, which could lead to
more dynamical truncations and photoevaporation. We observe that
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Figure 3. The evolution of mean disc mass normalized by host star mass ((mdisc/Mstar); top row) and mean disc radius ({rgisc); bottom row) as a function of
disc age (in Myr) for the simulated clusters in M3000L and M3000H sets in the left and right columns, respectively. In the upper panels, the brown-dashed line

shows the evolution of an isolated disc evolving solely under exponential decay.

discs at older ages have similar masses and radii for all €5 models.
However, when they are young (< 3 Myr), significant differences
can be caused by the varying star formation environment across
the e models. If planet formation happens within this early phase,
differences in mass and radius of these discs may lead to variations
in properties of planetary systems across the different e models.

3.2 Mass and radius distributions

Fig. 4 shows the probability distribution functions (PDFs) for disc
mass for the different € models at different times ¢ =, of 3.0,
6.0, and 10.0Myr from the start of formation of cluster. Here,
t, is the time when star formation is complete in the particular
model. The vertical dashed lines show the median disc mass for the
corresponding € models. The left column shows the distributions
for the M3000L clusters, while the right column shows the M3000H
clusters. Similarly, Fig. 5 shows the PDF for the disc radii in the
same set of simulations.

The top row (shaded) shows the PDF of disc masses at the time
when star formation is complete in the cluster (r =t,). The star
formation times for the respective models are mentioned in the
legend. We have assigned disc masses equal to 10 per cent of the

MNRAS 536, 298-313 (2025)

host stellar mass. Therefore, the disc IMF (and thus, the initial mass
PDF) around single stars will have the same shape as the stellar IMF,
but shifted to smaller masses by a factor of 10. The instantaneous
case, shown by the red lines, represents this case. In the instantaneous
case (e = 00), all stars are formed at the beginning and so we have
the complete set of stars, including the binaries. The effect of binaries
in truncating the discs is reflected in the PDF of disc mass. In the
other models (eg), the stars are gradually formed and thus the discs
are formed at different times. We have the complete set of discs
only at t = t,. This means that if the time-scale for star cluster
formation is longer, there is more time for feedback mechanisms to
act upon the discs. Therefore, the disc masses are lower in general
for progressively smaller €, in which the star clusters take longer
times to form. Accordingly, we observe that for both M3000L and
M3000H sets, the lower €5 cases have smaller masses. The case of
€ = 0.01 is not shown for the M3000L set because star formation
is not complete by 10 Myr for this particular model.

Now, if we consider PDFs at different cluster ages (+ = 3, 6, and
10 Myr), we observe that disc mass PDFs shift to lower masses
with increasing cluster age for all e models due to combined
effects of exponential decay, dynamical truncations and external
photoevaporation. Across e models, the slower forming models
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Figure 4. The probability distribution function (PDF) of the disc masses (misc) for the simulated clusters in the M300OL (left column) and M3000H sets (right
column), respectively. From the top to bottom panels, the PDFs are shown for times ¢ = #, = 3.0, 6.0, and 10.0 Myr. The dashed vertical lines show the median
disc mass for corresponding € models.
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Figure 6. The fractional contribution to mass-loss by exponential decay (blue), dynamical truncations (orange), and external photoevaporation (green)

normalized to the total disc mass-loss in the clusters at the time when star formation is complete (top row) and # = 10.0 Myr (bottom row) from the start of

formation of the cluster.

(e = 0.01 and 0.03) show differences from the faster forming
models at r = 3.0 and 6.0 Myr in the M3000L set. This difference
is attributed to the fact that these models are still forming stars at
this point and thus embedded in remnant gas, which shields discs
from external photoevaporation. This is supported by the fact that
once star formation is complete after 6 Myr for e = 0.03 model, its
discs experience more photoevaporation and start to resemble discs
in the faster forming models (e > 0.10) by r = 10 Myr. In contrast,
the e = 0.01 model is still forming stars even at 10 Myr, and its
discs remain more massive. In M3000H clusters, star formation is
complete in all e models by 3.5 Myr (see Table 1), so PDFs are
roughly similar for different e models.

Similarly, if we consider the PDFs of disc radius at the same
times as above, we observe that discs in slower forming e models
are larger than discs in faster forming e; models while there is
ongoing star formation. As the clusters age, disc radii in all eg
models approach the e = oo distribution. During early phases of
cluster evolution (ongoing star formation), we also observe discs of
size 100 au which are not seemingly affected by feedback. However,
these discs are still undergoing exponential decay in mass. In our
simulations, disc radius is changed only by dynamical truncations
and external photoevaporation. So, in an environment shielded from
photoevaporation and having few dynamical truncations, discs could

remain large enough for planets to form in the outer regions.
However, once star formation is complete, this population of discs is
quickly depleted by external photoevaporation in both M3000H and
M3000L clusters.

3.3 Fractional contributions

In our models, internal evolution via exponential decay, binary
truncations, dynamical truncations, and external photoevaporation all
contribute to disc mass-loss. In order to identify which mechanisms
are dominant in different models (X and €g), we studied the
fractional contributions by these evolutionary mechanisms to the
total disc mass-loss. The top row of Fig. 6 shows the contribution of
different evolutionary mechanisms when star formation is complete,
while the bottom row shows the contributions at the cluster age of
10 Myr. The left and right columns show the case for M3000L and
M3000H sets, respectively.

Exponential decay is the dominant mode of evolution of the discs.
If we look at the top row, we observe that at the time when star
formation is just complete, exponential decay contributes more to
the disc mass-loss for models that form more slowly (smaller €g).
This is because in the smaller e models, exponential decay has had
more time to operate on the discs by the corresponding f,.
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Figure 7. Comparison of dust masses in the ONC and G286 protoclusters with simulated dust mass distributions for M3000L clusters and M3000H clusters.
In each panel, the y-axis shows the fraction of discs having dust masses equal or above the corresponding dust mass on x-axis. The first four columns show dust
mass distributions at cluster ages of 1.0, 3.0, 7.0, and 10.0 Myr. The fifth column shows time evolution of dust mass for the fiducial e = 0.03 model for each
row. The first two rows compare M3000L and M3000H sets with discs in the Orion Nebula Cluster. The next two rows compare M3000L and M3000H sets with

discs in the G286 star-forming region.

At the time when star formation is just complete (¢ =t,), ex-
ternal photoevaporation and dynamical truncations together have
contributed up to a maximum of 58 and 90 per cent of the total
disc mass-loss (in the € = 0o model) in M3000L and M3000H sets,
respectively. Between the two, external photoevaporation is more
dominant in the M3000L set. In contrast, discs in € = 0.01 and 0.03
models of the M300OH set have experienced more mass-loss from
dynamical truncations compared to external photoevaporation. This
is because the stellar densities are higher in the M3000H set, leading
to more close encounters that truncate the discs. Moreover, there is
less contribution from exponential decay because z, is shorter in the
M3000H models.

As the clusters evolve, the relative contributions of the above
mechanisms change. By r = 10.0 Myr, external photoevaporation is
found to be dominant over dynamical truncations in both M3000L
and M3000H sets. However, internal exponential decay still remains
the main cause of disc mass-loss. The different e models experience
similar levels of exponential decay by this time. We should also
mention the e = 0.01 model in the M300OL set is still forming
stars and thus is still embedded in natal gas at + = 10.0 Myr. So
the relative contribution of external photoevaporation appears to be
smaller compared to the higher € models. As soon as the natal gas
is exhausted, external photoevaporation rises and dominates over
dynamical truncations, as in the higher e models.

In this context, it is important to note that the different mechanisms
compete with each other to drive disc mass-loss. Both external
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photoevaporation and dynamical truncations deplete the discs from
outside-in, whereas exponential decay, as we have implemented it,
only decreases the disc masses without changing the disc radii.
Dynamical truncations could stop external photoevaporation by
truncating the disc within its gravitational radius r,, because the gas
within ry is tightly bound. Conversely, as photoevaporation reduces
the disc radii, dynamical truncation events become less likely. When
neither external photoevaporation nor dynamical truncations are
significant, such as in a low density stellar environment where there
are also no nearby massive stars or if discs are shielded by the natal
gas, the discs can evolve relatively unperturbed (exponential decay
in our models). For instance, these conditions are prevalent in the
M3000L set before gas expulsion.

3.4 Dust mass distributions and comparison to the ONC and
G286

In order to study the effect of the cluster environment on the
mass budget available for planet formation, we predict dust mass
distributions in our simulations. The disc mass represents mass of
gas in our simulated discs. Following Bohlin, Savage & Drake (1978),
we assume a dust to gas ratio of 0.01 to obtain the corresponding
dust masses for each disc. We compared the dust masses across the
different values of e and ¥ jouq. Columns 1-4 of Fig. 7 show the
dust mass distributions for the M3000L (first and third rows) and
M3000H (second and fourth rows) sets at cluster ages of 1.0, 3.0,
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7.0, and 10.0 Myr, respectively. The fifth column shows the time
evolution of dust mass distribution for the fiducial € = 0.03 model
in each set at t = 1.0, 3.0, 7.0, and 10.0 Myr.

We observe that dust masses decrease with cluster age in all of
our models, though at slightly different rates in different e models.
Once all stars are formed and the cluster ages, the dust masses in all
models approach the instantaneous limit (e =00). In addition, from
models e = 0.01 to oo at the same cluster age, there is a gradual
decrease in fraction of discs having a certain dust mass. For the e
= 0.01 and 0.03 clusters in M3000L set, the dust mass is larger, in
agreement with the evolution of mean disc mass. If we consider the
same € = 0.03 model at different times from 1.0 to 10.0 Myr in
the fifth panel, we observe the gradual depletion in dust mass. The
depletion of dust mass happens faster in M3000H set compared to
the M300O0L set. This is due to external photoevaporation becoming
more effective earlier in the M3000H set (¢, is shorter in M3000H
set than corresponding M3000L set).

In the same panels, we compare these dust mass distributions with
observations of PPDs in two different star-forming regions observed
with the Atacama Large Millimeter/Sub-millimeter Array, as shown
by the shaded histograms. The top two rows compare our models with
Class II discs in the Orion Nebula Cluster (ONC; Eisner et al. 2018)
region. We compare our simulated discs to all sources, both detected
discs and non-detections. We take logarithmic bins (N = 40) for dust
mass from 0.1 to 1000 Mgy. The leftmost bin is located at 0.1 Mg,
which corresponds to the sensitivity limit of Eisner et al. (2018). For
the ONC, 60 per cent of the sampled sources were found to be non-
detections, i.e. below the sensitivity limit. We observe that different
models better match ONC discs at different times. In the M3000L
set, the fast-forming models (higher €;) are more consistent with
ONC discs at t = 3.0 Myr. The slow-forming models (e = 0.03
and 0.01) are a closer match at 7.0 and 10.0 Myr, respectively. In the
M3000H set, the fast-forming models are closest to ONC discs at
1.0 Myr, while the slowest forming model (e = 0.01) has its closest
match at 4.0 Myr.

Similarly, the next two rows compare our M3000L and M3000H
models with discs in the G286 protocluster (Cheng et al. 2022).
The Cheng et al. (2022) survey of G286 discs includes Class I/flat-
spectrum sources with a sensitivity limit of 20 Mgy. Since the study
did not have statistics on the undetected discs below the sensitivity
limit, we compare G286 with simulated discs above 20 Mgy only.
Thus, we take logarithmic bins (N = 40) for dust mass from 20 to
1000 Mgy. We find that our € = 0.03 models best reproduce G286
discs around 1 Myr for both M3000L and M3000H sets.

3.5 Radial dependence of disc properties

In the central dense core of a cluster, it is plausible to expect more
stellar interactions leading to more dynamical truncations. Similarly,
the more massive stars tend to segregate into the inner regions of
the cluster by dynamical mass segregation (Allison et al. 2009;
Dominguez et al. 2017). This could then lead to enhanced external
photoevaporation of discs in the cluster centre. As a result, discs in
the outer regions of the cluster may have larger masses and radii
compared to the inner core where both dynamical and radiative
feedback could be more active.

To test this hypothesis, we studied the variation of the median disc
mass and median disc radius, between the inner and outer regions
of the cluster. We divided discs into three subsets based on their
projected (2D) radial distance from the centre of the cluster: inner,
middle and outer. Figs 8 and 9 show the median disc mass and
median disc radius, respectively, in these subsets along with their
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PDFs. We observe that median disc mass and median disc radii of
the inner subset are always the smallest among the three subsets
across all Xjouq, € models. In other words, the discs in the outer
regions of the cluster are larger and more massive than discs in the
inner regions. For the fiducial e = 0.03 case, the median disc in the
inner centre is approximately 50 and 35 per cent less massive than
in the outer regions for M300OL and M3000H sets, respectively.
The differences between inner and outer subset are most prominent
in the e = 0.01 model of M3000L set, with inner discs being 77
per cent less massive than outer discs. We checked whether discs
are larger than their gravitational radii (r,) at t = 10 Myr, given by
equation (17). We found that most of the discs in the inner core are
smaller than their corresponding r, and thus are not susceptible to
photoevaporation anymore. In addition, their small size (around 1 au)
means that dynamical truncations are also less likely. In other words,
the cluster environment has already shaped these discs to a large
extent. In contrast, discs larger than r, were preferentially located on
the outer regions of the cluster. We discuss previous observations of
radial trends in disc properties in Section 4.2.

4 DISCUSSION

We have studied the evolution of PPDs inside gradually forming star
clusters. These star clusters were formed in different star formation
environments determined by star formation rates (€x) and mass
surface densities of the parent cloud (Xjouq)- Inside each star cluster,
the discs evolved under the influence of external photoevaporation
and dynamical truncations, in addition to a general exponential decay
of disc mass with time.

4.1 Radiation shielding of discs by natal gas

We observed that external photoevaporation has a dominant influence
on the evolution of discs after star formation is complete. In this
regard, radiation shielding by the background gas is important in
protecting discs from external photoevaporation before star forma-
tion is complete. This helps them retain larger dust masses for longer
times compared to the models in which the ionizing radiation passes
unimpeded. This has been noted previously by Qiao et al. (2022),
who found discs were shielded by the natal gas for up to 0.5 Myr after
the start of star formation in their simulations. Wilhelm et al. (2023)
also found that disc lifetimes and mass reservoirs were increased by
radiation shielding. The time-scales on which disc mass is lost may be
important for planet formation. If the gas and dust in discs dissipate
quickly, then there would be a limited time-frame in which planets
could form (see Qiao, Coleman & Haworth 2023). We also observe
that the time-scale of shielding provided by the natal gas depends on
egr and Xjouq in our models because these determine the time-scale
of cluster formation and expulsion of gas. For instance, discs in the
slower forming e = 0.01 and 0.03 models are shielded for longer in
general than discs in fast-forming models. This is in agreement with
larger disc masses and disc radii observed for € = 0.01 and 0.03
discs at early cluster ages/disc ages in Figs 1 and 3, respectively. In
addition, the extent and duration of shielding for individual discs
could be determined by their proximity of formation to and/or
encounters with massive stars. This depends on the dynamical state
of the cluster during the embedded phase when the discs are formed.

4.2 Radial dependence of disc properties
In Section 3.5, we observed the global trend of discs in the outer

regions of a cluster being larger and more massive than the discs in

MNRAS 536, 298-313 (2025)

Gz0z Aeniga4 €0 uo 1senb Aq G181 1.62/862/1/9ES/201E/seIuW/WOoo dno olwapede//:sdiy Woll papeojumo(]



310

2cloud = 0.1 gcm‘z (t = 10.0 Myr)

A. Gautam, J. P, Farias and J. C. Tan

Zeoud=0.1 gcm~=2 (t = 10.0 Myr)

Teioug = 0.1 gcm™2 (t = 10.0 Myr)

0.14 | ep=0.01 0.14 ' £r=0.03 0.14 ! £7=0.10
0.12 == Wb 0.12] — ik 0.12 i — i
< middle | N middle ’ Pl middle

= 0.10 | ---- outer = 0.104 ! ---- outer =010 f ---- outer
=008 i < 0.08/ | < 0.08
L 0.06 ; % 0.06/ : & 0.06 |
a o o | | a )

0.04 0.04+ | 0.04 |

0.02 _ 0.02! 0.02

0.00 st : 0.00 =7 : 0.00 ‘ <

10-8  10-% 10-4 10-2 100 T0-8 10-6 10-¢ 10-2 100 10-8  10-% 10-% 10-2  10°

0.14 i £¢=0.30 0.14] i £4=1.00 0.14 | Ef=2
0.12 i —— inner 0 12i ] —— inner 0.12 i — inner
: A middle A N middle ) B == middle
% 0.10 i ---- outer = 0.101 ---- outer “x0.10 i ---- outer
= 0.08 2k < 0.08/ = 0.08 4
& 0.06 i & 0.064 5 0.06 i
o | o | o 1
0.04 ; 0.04/ 0.04 :
0.02 0.02 0.02
0.00 : 0.00 : 0.00 :

0.14 £7=0.01 0.141 : £r=0.03 0.14 | £r=0.10
0.12 3 —— inner 0 12_: 3 — inner 0.12 —— inner
. N middle i | 1 middle ’ P e middle
< 0.10 | ---- outer '3‘}‘ 0.101 i ---- outer '% 0.10 i ---- outer
5 b 3 ] s H
= 0.08 = 0.08] B = 0.08
& 0.06 & 0.06
o il o
0.04 i 0.04
0.02 a 0.02 5
0.00 == 0.00 =

0.14

0.02

i £r=0.30 £7=1.00 : -
0.12 i — inner i —— inner 0.12 i —— inner
i L o middle o e middle ' I .o middle

= 0.10 # ---- outer | ---- outer <010 4 ---- outer
= 008 : = 0.08 :
= 0.06 3 & 0.06 ;
a E) H a H

0.04 i 5 0.04 H

0.00

Disk Mass (M)

Teoug=0.1 gcm~2 (t = 10.0 Myr)

10-8

10-% 10~* 102 10°

Disk Mass (M)

Teioud = 1.0 gem~2 (t = 10.0 Myr)

10-8

10~ 104 1072
Disk Mass (M)

Teioud = 1.0 gem~2 (t = 10.0 Myr)

10 107 1072 10°

Disk Mass (M)

Disk Mass (M)

Tooug= 0.1 gcm~2 (t = 10.0 Myr)

Zeioua=1.0 gem~2 (t = 10.0 Myr)

107 107* 1072 10°

Disk Mass (M)

107 107% 1072
Disk Mass (M)

10°

Zeioua = 1.0 gem~2 (t = 10.0 Myr)

10 107 1072 10°

Disk Mass (M)

0.14

0.02

0.00

Disk Mass (M)

zca‘audz 0.1 ng72 (t =10.0 Myf’}

10-8

Toioug = 1.0 gem™2 (t = 10.0 Myr)

10-¢ 10~* 102 10°

Disk Mass (M)

105 10-* 10-2
Disk Mass (M)

10°

Teioug = 1.0 gcm~? (t = 10.0 Myr)

10=% 10~¢ 102 10°

Disk Mass (M)

Figure 8. PDF of disc masses at 10 Myr around stars divided into three subsets (inner, middle, and outer one-third) based on radial distance from the centre
of the cluster, shown for the different e models in the case of M3000L clusters (rows 1-2) and M3000H clusters (rows 3—4). The vertical solid, dotted, and

dashed lines show the median disc mass in these three subsets at 10 Myr.

the inner core. Previous observational studies have reported positive
correlations at a local level between the mass of a photoevaporating
disc and distance from a nearby massive star in star-forming regions
like the ONC (Mann et al. 2014) and o Orionis (Ansdell et al. 2017).
In these regions, discs closer to the most massive star were found to
be less massive and smaller in size than distant discs. However, Mann
et al. (2015) did not find such correlations in NGC 2024. Moreover,
Parker et al. (2021) found that such correlations could be created by
projection effects in observations. When mapping the 3D structure
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of the cluster to 2D projected distances, we may confuse foreground
or background discs to be closer to the massive star and thus infer
inaccurate correlations. Finally, cluster dynamics could move discs
closer to and further from massive stars at different times, mixing
away any local correlations.

Our results, however, concern the global trend of disc properties
from the centre of the cluster. Even though discs move around the
cluster with their host stars and smear out any local correlations
around a particular massive star, we found the global trend of having
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larger discs in outer regions remains apparent in the clusters. If 4.3 Model caveats

dynamical segregation of massive stars to the centre occurs, the
discs present in outer regions during expansion of the cluster would
be left relatively untouched by the ionizing radiation field in the core.
It is important to note that we examined the global trend after the
formation of the cluster. During ongoing star formation, the natal gas
tends to attenuate the radiation fields caused by segregated massive
stars even more strongly for discs in the outer regions and leads
to more visible differences in inner and outer discs, as observed in

M3000L, € = 0.01 model at 10 Myr (¢, = 20 Myr).

Our aim has been to carry out a first exploration of disc evo-
Iution in the context of gradually forming clusters to identify
which processes affect discs the most in different star formation
environments. To make this first investigation of disc evolution
relatively simple and reduce the number of input parameters, we
have assumed a fixed initial ratio of disc mass to host mass
(although this is also modified by primordial binary truncation)
and a fixed initial disc size of 100 au. Future work in this se-
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ries will examine the impact of various distributions in these
inputs.

We have also considered relatively simple models for the evolution
of discs in our stellar clusters, in part motivated by the need for
these to be implemented efficiently in our N-body code and utilizing
input parameters that are captured in these simulations. For example,
in modelling of dynamical truncations, we have not considered
the exact orientations of the discs during stellar encounters. In
encounters between two disc-hosting stars, we also do not consider
the interactions between the discs themselves, or the tidal effects
of the discs on stellar dynamics. We model only the effect of the
perturbing star upon the host disc using equation (14). Similarly,
the potential accretion of truncated disc material onto the host or
perturbing star was not considered. The accretion of truncated disc
material onto the host or perturber during stellar encounters is a
possible explanation for outburst events observed in FU Orionis
objects (Cuello et al. 2022). In these objects, extreme accretion events
driven either by stellar flybys (Borchert et al. 2022) or bound binary
interactions (Bonnell & Bastien 1992) are posited to trigger large
increase in luminosities within a short time-scale of years.

Another important caveat is that we have assumed a smooth back-
ground gas potential in our simulations. In reality, the distribution of
gas in star-forming regions is more complex with substructures like
bubbles and filaments (Hacar et al. 2022). In particular, Wilhelm et al.
(2023) noted that sub-structured cluster gas could create very large
spatial gradients in the radiation field experienced by a disc. There
could be regions relatively rarefied in gas, where discs are especially
susceptible to photoevaporation. This means shielding provided by
the structured gas can be less pronounced than the case of a smooth
distribution. In such a case, external photoevaporation could have a
greater influence during the embedded star-forming phase as well,
not just after the dissipation of cluster gas.

We have not considered supernova feedback in our models. The
number and timing of supernovae depends on the sampling of the
IMF. On average, we find around three supernovae happen per model
realization by 10 Myr for M3000OL set and four supernovae per
realization for M3000H set (with this number being a little greater on
average because star formation finishes earlier). A future project in
this series will examine a wider range of cluster conditions, including
arange of cluster masses, and include study of the rates of supernovae
and their proximity to discs providing information about enrichment
of discs with heavier elements formed during supernovae (Williams
& Gaidos 2007; Gounelle & Meibom 2008).

5 CONCLUSIONS

Planet formation around a star could be shaped from an early stage
by the environment of its star cluster. We have implemented simple
models of PPD evolution within N-body models of gradual star
cluster formation. Modelling the evolution of the discs during the
star cluster formation simulation itself, we have studied the relative
importance of different mechanisms acting on the discs. This includes
external photoevaporation due to massive stars (radiative feedback)
and disc truncations due to stellar encounters (dynamical feedback).
We also take into account the effects of primordial binary partners,
as well as considering a general exponential decay for all discs in
isolation.

We found that the rate of star formation (eg) and the mass surface
density of parent cloud (Z¢joua), Which control the formation time-
scale of the star cluster, influence the evolution of PPDs in a forming
star cluster. Radiative and dynamical feedback from the cluster
can reduce dust masses in the discs with implications for planet
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formation. In this regard, external photoevaporation due to massive
stars is found to be more important than dynamical encounters
across the range of initial conditions (e and Xjo,q) We consider.
As such, shielding provided by the background gas against the
ionizing radiation fields is found to be important in determining
dust-masses and lifetime of discs. Discs in the slow-forming clusters
are shielded for longer than fast-forming clusters, and thus provide
a longer window for planet formation to occur.

Next, we compared our discs with observations in the Class II
discs in the ONC and Class I/Flat-Spectrum discs in G286 star-
forming regions, respectively. Our discs in the fiducial e = 0.03
model resemble ONC discs around 3 and 7 Myr for low and high
clouds Tespectively. Meanwhile, our discs in the fiducial e = 0.03
model resemble G286 discs around 1 Myr. Finally, we also observe
that discs in the inner core of clusters are less massive and smaller
than discs in the outer regions, hinting at disc depletion mechanisms
being more active there due to mass segregation of massive stars
and/or shielding of discs in outer regions.
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